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ABSTRACT
This study presents a catalog of 8107 molecular clouds that covers the entire Galactic plane and includes 98% of
the 12CO emission observed within b± 5◦. The catalog was produced using a hierarchical cluster identification
method applied to the result of a Gaussian decomposition of the Dame et al. data. The total H2 mass in the
catalog is 1.2 × 109 M, in agreement with previous estimates. We find that 30% of the sight lines intersect
only a single cloud, with another 25% intersecting only two clouds. The most probable cloud size is R ∼ 30 pc.
We find that M ∝ R2.2±0.2, with no correlation between the cloud surface density, Σ, and R. In contrast with
the general idea, we find a rather large range of values of Σ, from 2 to 300 M pc−2, and a systematic decrease
with increasing Galactic radius, Rgal. The cloud velocity dispersion and the normalization σ0 = σv/R1/2 both
decrease systematically with Rgal. When studied over the whole Galactic disk, there is a large dispersion in
the line width-size relation, and a significantly better correlation between σv and Σ R. The normalization of
this correlation is constant to better than a factor of two for Rgal < 20 kpc. This relation is used to disentangle
the ambiguity between near and far kinematic distances. We report a strong variation of the turbulent energy
injection rate. In the outer Galaxy it may be maintained by accretion through the disk and/or onto the clouds,
but neither source can drive the 100 times higher cloud-averaged injection rate in the inner Galaxy.
Keywords: ISM: clouds—Galaxy: local interstellar matter—Methods: data analysis
1. INTRODUCTION
Molecular gas accounts for a small fraction of the bary-
onic matter in nearby galaxies, typically 10% by mass, and
an even smaller fraction in galaxy halos, at any redshift. De-
spite this fact, astronomers have devoted enormous amounts
of telescope time to observations of molecular material. The
primary reason for this effort is because of the crucial role of
molecular gas in star formation and hence in galaxy evolu-
tion. For example, stars form in molecular gas (Myers et al.
1986; Scoville & Good 1989). Further, the interactions of
newly formed stars with their (initially molecular) surround-
ings, collectively know as “feedback,” are believed to moder-
ate both the rate of star formation and, via expulsion of molec-
ular, atomic, and ionized gas, the cumulative stellar mass in
the host galaxy. In other words, the amount, distribution, and
kinematics of the molecular gas in a galaxy provide impor-
tant constraints on the physics of star formation and galaxy
evolution.
Since its discovery by Wilson et al. (1970), CO line emis-
sion has been the primary tracer of molecular gas in galax-
ies. In the Milky Way, the large-scale properties of molec-
ular emission and the associated H2 gas were deduced from
two main sets of observations. First, data obtained with the
CfA 1.2m telescopes (one in New York and one in Chile; Co-
hen et al. 1980; Dame & Thaddeus 1985; Dame et al. 1987;
Bronfman et al. 1989) were combined by Dame et al. (2001)
to produce a data set covering most of the sky with significant
CO emission with an angular resolution of about 8.5 arcmin.
Various subsets of these data were used by Grabelsky et al.
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(1987, 1988), Bronfman et al. (1988), Rosolowsky & Leroy
(2006), Nakanishi & Sofue (2006) and Rice et al. (2016) to
infer global properties of the molecular medium.
The second large observational effort was conducted by the
Boston University group using the 14 m FCRAO telescope.
Their data sets (available in 12CO and in 13CO; Clemens et al.
1986; Sanders et al. 1986; Heyer et al. 1998; Jackson et al.
2006) cover a smaller area on the sky but at higher angular
resolution (46”). These data are the basis of the analysis of
Galactic molecular clouds by Solomon et al. (1987), Heyer
et al. (2001), Brunt et al. (2003), Rathborne et al. (2009) and
Heyer et al. (2009).
The analysis of molecular emission, especially CO, has
been done in two main ways: (1) statistical properties of the
entire emission, or (2) segmentation of the data into what
are thought to be relevant structures. The statistical analy-
sis of the emission of targeted regions provides highly valu-
able information about the nature of the processes involved
in the structure and dynamics of star-forming regions (Falgar-
one et al. 1992; Miesch & Bally 1994; Heithausen et al. 1998;
Ossenkopf & Mac Low 2002). This approach relies on the un-
derstanding of projection effects to relate the observed statis-
tical properties (intensity, centroid velocity) to physical three-
dimensional properties. Often, this type of analysis makes
use of a comparison with numerical simulations (e.g., Ostriker
et al. 2001; Ossenkopf & Mac Low 2002; Brunt et al. 2003).
The second approach relies on algorithms to identify coher-
ent structures in the data. Over most of the Galactic plane,
the 12CO emission can often be described as a sum of a few
isolated velocity components. In a position–position–velocity
(PPV) cube, the molecular emission appears clumpy. This
is particularly true toward the outer Galaxy and in the solar
neighborhood. As highlighted by Grabelsky et al. (1987), this
is very different from what is seen in 21 cm PPV cubes, where
the emission is much more spread out in velocity space; the
large velocity spread in 21 cm emission is believed to be due
principally to the high temperature and large volume filling
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factor of the warm neutral medium (WNM). The CO molecule
is heavier than either H or H2, and the observed excitation
temperature is < 100 K, so that its thermal line width is much
smaller than that of H or H2. In general, CO emission gen-
erally appears in cold and dense structures of the interstellar
medium (ISM), so the CO emission line has a relatively low
velocity dispersion, which facilitates the identification of iso-
lated structures.
Given the fragmented structure of the molecular emission,
several attempts have been made to identify coherent struc-
tures from the CO data. One technique is to set a thresh-
old in CO brightness temperature, T minB , then identify all
the connected emission structures in PPV space that have
TB > T minB . The choice of T
min
B has a significant impact on
the result. It can be a factor n times the noise level or, in
areas with strong emission, a value that allows for the iden-
tification of structures above a confusion background. One
way to improve on this is to look for hierarchical coher-
ence within structures identified with different threshold lev-
els, e.g., clumpfind (Williams et al. 1994) or the dendrogram
technique (Rosolowsky et al. 2008). Another method is to
use algorithms designed to identify structures with predefined
shape like gaussclump (Stutzki & Guesten 1990). In gauss-
clump the shape of a structure is assumed to be an ellipsoid in
PPV space.
No method gives a perfectly satisfying solution, in part be-
cause unrelated structures might appear connected in a PPV
cube if they have similar (projected) velocities. This is par-
ticularly true in the inner Galaxy, where velocity crowding
mixes emission from different clouds along the line of sight,
making a unique identification almost impossible. In addition,
the boundaries of clouds become more blurred as the volume
filling factor of molecular matter increases, especially in the
“molecular ring,” seen between 3 and 6 kpc from the Galactic
center.
The structure of the molecular ISM itself makes the iden-
tification difficult. Molecular clouds have been described
in varying ways, ranging from “spherical gravitationally
bounded structures” to “a clumpy, turbulent and multi-phase
medium.” In the latter case, the boundaries of a cloud are
ill-defined, and the identification of clouds can be somewhat
arbitrary. The latter picture is favored by what higher an-
gular resolution CO data have revealed. On the other hand,
large coherent molecular structures are readily identified in
low-resolution data (e.g., Solomon et al. 1987). These are the
so-called Giant Molecular Clouds or GMCs. When observed
at higher angular resolution, these large puffy clouds ap-
pear fragmented with abundant small-scale structures (Jack-
son et al. 2006; Goldsmith et al. 2008). The identification of
“clouds” from high-resolution data results in a much larger
number of smaller structures.
Despite all those difficulties, it is important to try to decom-
pose molecular emission in isolated structures, even if they
are somewhat arbitrary. For example, Scoville & Good (1989)
and Myers et al. (1986) both found that most of the star for-
mation in the first galactic quadrant of the Milky Way takes
place in readily identified GMCs. This strongly suggests that
GMCs are physically relevant objects, even if we have a hard
time identifying them in a unique manner.
Applying different detection schemes to the same data set
leads to different cloud catalogs. Yet, these different sets of
clouds follow surprisingly concordant statistical properties,
e.g., similar distributions of cloud mass and similar size-line
width relations.
In this context, why produce another catalog of clouds?
Most early studies of the Milky Way’s molecular medium
were confined to a limited range in Galactic longitude, so they
were clearly not complete catalogs. More recently, Nakanishi
& Sofue (2006), Pohl et al. (2008) and Rice et al. (2016) ex-
ploited the full coverage of the Galactic plane of the Dame
et al. (2001) 12CO atlas. Nakanishi & Sofue (2006) estab-
lished some large-scale properties of the molecular gas (scale
height, surface density, average density) as a function of
galactocentric radius using a global fit of the whole Dame
et al. (2001) data set. They assumed that the spatial distri-
bution of the molecular gas in the Galactic disk is the sum of
two axisymetric Gaussian distributions as a function of Galac-
tic height z. Rice et al. (2016) identified clouds using a den-
drogram technique. However, previous studies that identified
clouds from CO data managed to include at most 40% of the
CO emission in their clouds (Solomon et al. 1987; Solomon
& Rivolo 1989; Rice et al. 2016).
In this paper we propose an alternative analysis of the Dame
et al. (2001) data to estimate the large-scale physical proper-
ties of molecular clouds of the Milky Way. Our analysis is
based on a combination of the classical Gaussian decomposi-
tion of the CO emission spectra with a cluster analysis method
used to identify coherent structures in the data. The method
presented here is able to recover more than 90% of the CO
emission. Based on this new catalog of clouds, the most com-
plete done to date, we are able to study the dynamical prop-
erties of GMCs and their spatial variations in the Milky Way
disk.
The paper is organized as follows. The data segmentation
and clustering methods are described in Sect. 2. The physical
properties given in the molecular cloud catalog are detailed in
Sect. 3. The main results of the paper are presented in Sect. 4
and discussed in Sect. 5.
2. FROM CO EMISSION TO CLOUDS
2.1. Data
The data set used here is that of Dame et al. (2001). Those
authors combined observations obtained over a period of 20 yr
with two telescopes, one in the north (first located in New
York City and then in Cambridge, Massachusetts) and one in
the south (Cerro Tololo, Chile). These 1.2 m telescopes have
an angular resolution of ∼ 8.5′ at 115 GHz, the frequency of
the 12CO 1–0 line. For the current study we used the data set
covering the whole Galactic plane with ±5◦ in Galactic lati-
tude.5 We used the raw data set where no interpolation was
done, neither in v nor in Galactic coordinates l− b. The chan-
nel width of the whole data set is 1.3 km s−1. Due to the com-
bination of data from different eras and different instruments,
the noise level of the map is not uniform over the data set.
Figure 22 in Appendix A shows the histogram of the noise
level. There are three peaks in the distribution at 0.06, 0.10,
and 0.19 K.
2.2. The Cloud Identification Method
The cloud identification method presented here uses a
clustering hierarchical algorithm to identify coherent struc-
tures in PPV space. In that sense, it is in the spirit of
clumpfind (Williams et al. 1994) or of the dendrogram tech-
nique (Rosolowsky et al. 2008). On the other hand, the analy-
5 Available at https://www.cfa.harvard.edu/rtdc/CO
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Figure 1. Histogram of the number of Gaussian components used to fit a CO
profile. The y axis is given in fraction of the total number of pixels observed
in the Dame et al. (2001) survey for −5◦ < b < 5◦.
sis proposed here differs from previous ones as the clustering
algorithm is not applied on the observed brightness, TB. In-
stead, coherent structures are looked for in a more sparse de-
scription of the data resulting from a Gaussian decomposition
of the CO spectra. This has the advantage of significantly re-
ducing the confusion due to cloud overlap in PPV space and
therefore facilitating the identification of isolated structures.
The projection of the data onto a set of Gaussian components
also limits the effect of noise on the structure identification
process, and it permits us to include the column density of
clouds down to the sensitivity limit of the survey. It also al-
lows us to identify faint clouds that would be missed by meth-
ods based on TB thresholds.
The approach we present here results in a catalog of molec-
ular clouds that includes 98% of the CO emission of the Dame
et al. (2001) survey, more than a factor of two higher than any
other cloud identification method has done to date.
The overall cloud identification procedure is divided into
two main steps. First, the entire data cube is decomposed into
a set of Gaussian functions. Second, coherent structures are
identified using a hierarchical cluster analysis scheme.
2.3. Gaussian Decomposition
For each sky position of the cube, the CO spectrum, TB(v),
is described as a sum of Gaussian components:
T ′B(v) =
N∑
i=1
Ai exp((v − vi)2/2σ2i ) (1)
where Ai, vi and σi are the amplitude, centroid, and width of
each Gaussian, respectively. Decomposing TB(v) into a sum
of Gaussian components is a way to compress the informa-
tion. A spectrum of typically a few hundred samples with
complex 12CO emission can be described by only a few tens
of Gaussian coefficients. This decomposition is valid even
if the lines are not Gaussian; it is simply another way of de-
scribing the data. In addition, this compression of information
has the potential to reduce the noise. Most of the noise is at
high (spatial) frequency. An isolated Gaussian (i.e., emission
not seen in neighboring positions at the same central velocity)
with a width of one or two channels and an amplitude lower
than 3 times the noise level is probably noise.
The choice of a Gaussian decomposition is motivated by the
fact that, on most of the sky, the 12CO spectra are relatively
simple and show only single or double components (Figure 21
top panel). On lines of sight in the vicinity of the Galactic cen-
ter, the 12CO spectra are much more complex, but they can
also be described by the sum of a limited number of Gaussian
functions (Figure 21 bottom panel). For these more complex
spectra the decomposition on a Gaussian basis is clearly not
unique. To guide the search, we look for solutions that have
a spatial coherence; an iterative process is being used to fa-
vor solutions that are close to what is found in neighboring
positions. The algorithm used is described in Appendix A.
Each spectrum was fitted with a maximum of N = 12 Gaus-
sian components. Given the sensitivity of the Dame et al.
(2001) data, this appears to be enough to describe the mor-
phological complexity of the 12CO spectra, even in the inner
part of the Galactic plane. Examples of Gaussian decomposi-
tions are shown in Figure 21.
This data segmentation resulted in the identification of
about 5.4 × 105 Gaussian components. The occurrence of the
number of Gaussian components per spectrum is given in Fig-
ure 1. About two-thirds of the lines of sight could be decom-
posed using only one, two, or three Gaussian components. A
mere 1.7% of the sky positions have zero Gaussian compo-
nents, and only 1.2% of the spectra needed 12 components to
describe the emission down to the noise level.
2.4. Cluster Analysis
2.4.1. The Integrated Emission Cube
The usefulness of the Gaussian decomposition in the iden-
tification of molecular clouds is best seen in Figures 2 and
3. The top panel of Figure 2 presents a 2D cut through the
CO data cube for a constant value of Galactic latitude (a so-
called l − v diagram). Here we show a particularly complex
region of the sky in the fourth quadrant. This representation of
TB(l, b, v) allows us to identify coherent structures that blend
in an integrated intensity map. Even though individual clouds
can be identified by eye, there is significant confusion and
overlap between structures. Looking at this representation,
one can appreciate why thresholding methods have been used
in the past to isolate structures. But this isolation comes at the
expense of leaving out the faint emission, below the lowest
threshold level.
The Gaussian decomposition is of great help in clearing
some of the confusion. The bottom panel of Figure 2 shows
the same l − v diagram but for a cube representing the inte-
grated emission of the Gaussian components:
WCO(l, b, v) =
√
2pi A(v)σ(v). (2)
The cube WCO(l, b, v) contains the integrated emission of ev-
ery Gaussian component put at the central velocity position
(v). In some cases, more than one Gaussian component will
have the same central velocity v at a given (l, b) position. In
such cases, WCO(l, b, v) contains the sum of the column den-
sities of all the components.
This cube contains all the emission of the original data
cube described by the Gaussian decomposition, but without
the spread of the velocity dispersion of each component. Fig-
ure 3 provides an example of a complex spectrum of the cube,
where the black solid line is the observed spectrum, and the
vertical blue solid line segments represent the integrated emis-
sion (WCO - right axis) of each Gaussian component at its re-
spective velocity. This spectral representation and the l − v
cut of WCO (Figure 2) illustrate how the Gaussian decompo-
sition helps in separating blended emission and in identifying
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Figure 2. Longitude–velocity diagrams at GLAT = 0◦. Top: log of brightness temperature, TB, in units of K. Bottom: integrated emission of the Gaussian
components concentrated at their central velocities, WCO – see Eq. 2, in units of K km s−1.
coherent structures.
2.4.2. Hierarchical Cluster Identification
The term ‘clustering analysis’ refers to the task of identi-
fying coherent groups in a data set. The appropriate cluster-
ing algorithm and parameter settings depend on the individual
data set and on the intended use of the results. Here the clus-
ter identification was done on the WCO cube using a classical
hierarchical algorithm with a threshold descent. The identi-
fication of coherent structures or clusters is done in position
(l, b) and velocity (v) space at the same time. Because of
this, and because it uses a threshold descent, the algorithm
presented here has some similarity with clumpfind (Williams
et al. 1994).
In detail, a first set of clusters was identified by grouping
neighboring pixels with WCO higher than a threshold value.
This selection on WCO creates islands in PPV space. The
threshold value is then lowered and a new set of pixels in WCO
are selected. Lowering the threshold reveals the outskirts of
already-defined clusters, as well as finding new islands with
fainter peak emission. Each Gaussian component is either at-
tached to a preexisting cluster, if one is nearby, or it is iden-
tified as the first component of a new cluster. This descent is
continued for a number Nth of thresholds down to a minimum
value.
In the descent we used Nth = 15 threshold values, spaced
logarithmically; see Figure 3, where the horizontal gray lines
depict the thresholds. The highest threshold value was set to
WCO = 100 K km s−1, while the lowest threshold value was
WCO = 0.8 K km s−1. The lowest threshold value corresponds
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Figure 3. Example of cluster identification for a complex CO spectrum lo-
cated at (l, b) = (−18.5◦, 0◦). The solid black line is the observed spectrum, in
brightness temperature in kelvin (left vertical axis). The vertical blue line seg-
ments indicate the integrated emission, in WCO, units of K km s−1 (right verti-
cal axis), of each Gaussian component. The red lines indicate how the Gaus-
sian components were grouped into clouds. This spectrum was decomposed
into 11 Gaussian components that were grouped into six different clouds. The
horizontal dotted lines indicate the WCO levels (logarithmically spaced) used
in the threshold descent.
to a Gaussian amplitude close to the noise level. For a narrow
component with σi = 1.3 km s−1, the lowest threshold corre-
sponds to Ai = 0.25 K; for 93% of the spectra the noise level
is lower than 0.15 K (see Figure 22).
At each step of the process, we look for clusters that should
be merged. We applied a strict criterion for cluster merg-
ing in order to avoid any runaway process that would lead
to immense structures. Such overlinking is a common flaw of
friends-of-friends algorithms. It is also known as the ‘chain-
ing phenomenon’ in single linkage clustering methods, where
two clusters are linked together even if only a single element
in each cluster is close to each other.
A cluster i is merged to a cluster j if its central coordinate
is enclosed within the volume of j:
|li − l j|<2σl, j (3)
|bi − b j|<2σb, j (4)
|〈vi〉 − 〈v j〉|<2σv, j, (5)
where σl, j is the WCO weighted standard deviation of l for
cluster j, and similarly for b, as defined in equation (8) below.
We also only allow the merging of clusters with less than 50
Gaussian components. The properties of the bigger clusters
of the sample depend slightly on the merging procedure. If
the merging criterion is too loose, big clusters merge into un-
realistically large structures. The criteria selected here allow
us to avoid this problem.
We explored several different values of Nth, and different
minimum and maximum threshold values. It appears that
these details do not significantly affect the identification. The
number of clusters identified depends mostly on the lowest
threshold level. As we will describe later, the data revealed a
large number of small, isolated, and faint clusters.
2.4.3. Basic Results
This method identified 8107 clusters that have at least 5 pix-
els on the sky. In the following we refer to these clusters as
clouds. These clouds are composed of 89% of the Gaussian
components (5.8 × 104 Gaussian components are not associ-
ated with any cloud), which corresponds to 98% of the CO
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Figure 4. TB spectrum averaged over the full range in longitude and latitude
considered here (−180◦ < l < 180◦, −5◦ < b < 5◦). The black line is the
data. The thinner red line represents the emission included in clouds.
emission of the Dame et al. (2001) survey. The fact that the
cluster identification includes almost the totality of the ob-
served emission is illustrated in Figure 4, which shows the
average TB spectrum of the whole data set (black) and of the
emission recovered in clouds (red).
The histogram of the number of clouds per line of sight is
shown in Figure 5. On 88% of the sky positions, there are
four or fewer clouds on the line of sight; on 30% of the sky
there is only one cloud on the line of sight. Roughly 11.5% of
the surveyed sky was cloud-free using our criteria.
3. PHYSICAL PROPERTIES OF MOLECULAR CLOUDS
Each cloud we identify is represented by a set of Gaussian
components that provides a description of the cloud in (l, b, v)
space. We remind the reader that in a given spectrum, it is
possible that multiple Gaussian components may belong to a
single cloud. In other words, we do not assume that the 12CO
spectrum of a given cloud on a given sky position is Gaussian;
the CO spectrum can be of any shape, and in particular, it need
not be Gaussian. This is illustrated in Figure 3 where the red
tick marks indicate the result of the cluster identification. In
this specific example, the 11 Gaussian components needed to
decompose the spectrum were associated with six different
clouds.
In the following subsections we define a set of quantities
for each cloud. Taken together, the quantities listed in Table 1
compose the cloud catalog produced in this study.
3.1. Basic Properties
Each Gaussian component is defined by six parameters
[li, bi, Ai, vi, σi,Ci] where [li, bi] are the Galactic longitude
and latitude, [Ai, vi, σi] are the Gaussian spectral parameters
(see Eq. 1) and Ci is the index number of the cloud with
which the Gaussian is associated. A cloud with a given num-
ber C defines a subset of Ncomp Gaussian components. The
cloud also consists of a number of pixels on the sky, Npix such
that Npix ≤ Ncomp. The angular area of a cloud is simply
A = Npix dΩ where dΩ is the solid angle of a single pixel
(56.25 arcmin2 or 4.76 × 10−6 sr).
3.1.1. Position
For each cloud we define its central position as the
intensity-weighted mean coordinate: the Galactic longitude,
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Figure 5. Histogram of the number of clouds found on each line of sight.
The y-axis is given in fraction of the total number of pixels observed in the
Dame et al. (2001) survey for −5◦ < b < 5◦.
l, and latitude, b, are
l =
∑
i W iCO li
W totCO
(6)
b =
∑
i W iCO bi
W totCO
(7)
where the sum is done over the Ncomp Gaussian components,
W iCO =
√
2pi Ai σi dv is the integrated emission of a single
Gaussian component, and W totCO =
∑
i W iCO the total integrated
emission of all components.
Similarly, the standard deviations along l and b are
σl =
√∑
i W iCO (li − l)2
W totCO
(8)
σb =
√∑
i W iCO (bi − b)2
W totCO
. (9)
These quantities provide an estimate of the angular extent of
each cloud along the Galactic longitude and latitude direc-
tions.
For each cloud we also compute the angle θ with respect
to the Galactic plane (b = 0◦). We first compute the slope p
of the linear regression between bi and li, weighted by W iCO.
Then the angle is simply θ = tan−1(p).
3.1.2. Velocity
For a given cloud, one can define the total CO spectrum by
adding up all the Gaussian components:
T totB (v) =
Ncomp∑
i=1
Ai exp((v − vi)2/2σ2i ). (10)
Using this total cloud CO spectrum, we compute the
emission-weighted mean velocity 〈v〉 and the velocity disper-
sion σv of each cloud:
〈v〉= 1
W totCO
∑
v
v T totB (v) dv (11)
σ2v =
1
W totCO
∑
v
v2 T totB (v) dv − 〈v〉2 (12)
where dv is the channel width.
3.1.3. Surface Density
The average H2 column density, NH2, and surface density,
Σ, are defined as
NH2 =
W totCO XCO
Npix
(13)
Σ =
NH2 2 µmH pc2
M
(14)
where mH is the mass of the hydrogen atom, µ = 1.36 is to
take into account the contribution of helium and metals, and
M is the mass of the Sun. Throughout this paper we use
XCO = 2 × 1020 cm−2 (K km s−1)−1 (Bolatto et al. 2013).
3.2. Cloud Angular Radius
The angular radius of a cloud is often defined as the min-
imum effective size of a cloud Rang =
√
A/pi, where in this
expression A is the angular area, i.e., the sum of the angular
area of all the pixels in the cloud. This amounts to making the
approximation that clouds are spherical. At the other end of
the spectrum, Larson (1981) defined the typical scale L as the
maximum extent of the cloud on the sky, i.e., the maximum
distance between pixels.
An alternative definition of the typical scale of a cloud is
the brightness-weighted radius, defined as
Rang =
∑
i W iCO
√
(li − l)2 + (bi − b)2
W totCO
(15)
where the sum is over all the Gaussian components. This
method is similar to what Solomon et al. (1987) and Bolatto
et al. (2008) used.
We used a slightly different implementation of the
brightness-weighted radius based on the eigenvalues of the
inertia matrix of the on-sky emission:
ψ =
[
σ2l σ
2
lb
σ2lb σ
2
b
]
(16)
where
σlb =
√∑
i W iCO (li − l)(bi − b)
W totCO
. (17)
The maximum and minimum eigenvalues of ψ provide the
largest and smallest half-axis of the projected structure, Rmax
and Rmin, respectively. We find structures that are somewhat
elongated, with an axis ratio Rmax/Rmin of about 1.5 on aver-
age.
To allow for the likelihood that clouds are not spherical, we
adopted the following definition of the angular radius:
Rang = (Rmax Rmin Rmin)1/3 . (18)
This is based on the assumption that it is statistically more
likely that the depth along the line of sight is closer to the
smallest axis seen in projection on the sky.
3.3. Distance
None of the quantities described in §§3.1.1-3.2 depend on
the distance to the cloud. However, in order to quantify the
physical size, mass, and density, it is necessary to have an
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Table 1
Entries of the Molecular Cloud Catalog.
Entry Units Description
C ... Cloud number
Ncomp ... Number of Gaussian components
Npix ... Number of pixels on the sky
A deg2 Angular area
l deg Baricentric Galactic longitude
σl deg Galactic longitude standard deviation
b deg Baricentric Galactic latitude
σb deg Galactic latitude standard deviation
θ deg Angle with respect to b = 0◦
WCO K km s−1 Integrated CO emission
NH2 cm−2 Average column density
Σ M pc−2 Surface density
vcent km s−1 Centroid velocity
σv km s−1 Velocity standard deviation
Rmax deg Largest eigenvalue of the inertia matrix
Rmin deg Smallest eigenvalue of the inertia matrix
Rang deg Angular size
Rgal kpc Galactocentric radius
INF ... Near or far distance flag
D kpc Kinematic distance
z kpc Distance to Galactic midplane
S pc2 Physical area
R pc Physical size
M M Mass
Notes. For clouds located in the inner Galaxy, two values are given for z, S ,
R and M corresponding to the near and far kinematic distances. The index
INF gives an estimate of which distance is more likely based on the σv − ΣR
relation (Eq. 26).
estimate of the distance. Here we rely on the kinematic dis-
tance, which assumes that the cloud average velocity, 〈v〉, is
dominated by the motion set by Galactic rotation.
Following Roman-Duval et al. (2009), the galactocentric ra-
dius of a cloud is
Rgal = R0 sin(l)
V(r)
vp + V0 sin(l)
(19)
where vp = 〈v〉/ cos(b) is the velocity component of the
cloud in the plane of the Galaxy, and R0 = 8.5 kpc and
V0 = 220 km s−1 are, respectively, the galactocentric radius
and the orbital velocity of the Sun. In this study we used the
rotation curve V(r) defined in Brand & Blitz (1993).
From the value of Rgal, the distance from Earth to the cloud
is given by
D = R0 cos(l) ±
√
R2gal − R20 sin2(l). (20)
In the inner Galaxy, where Rgal < R0, there are two solutions
for D for a given (l, 〈v〉). This is referred to as the kinematic
distance ambiguity.
Deciding how to disentangle between the near and far dis-
tance has been a major difficulty in estimating the properties
of Galactic molecular gas. Different methods have been used
to circumvent this difficulty: (1) association with objects at
known distance, such as H ii regions (Kolpak et al. 2003); (2)
21 cm absorption (Roman-Duval et al. 2009); (3) the cloud
mass–size relationship (Roman-Duval et al. 2010); (4) Galac-
tic axial symmetry (Scoville & Solomon 1975; Gordon &
Burton 1976; Sanders et al. 1984; Bronfman et al. 1988);
and (5) two Gaussian latitude profiles (Clemens et al. 1988;
Nakanishi & Sofue 2006).
In order to estimate distances for our clouds, we would like
a method that does not rely on external observations. Many
studies (Dame et al. 1986; Solomon et al. 1987; Grabelsky
et al. 1988; Garcı´a et al. 2014) have used the σv − R relation
to select between near and far kinematic distance in the inner
Galaxy. For a given cloud, σv is observed directly, while the
inferred cloud radius R depends on distance. The idea is to
select the near or far distance that would give a value of R
that is closer to the σv − R relation, set by Larson (1981) for
instance.
This approach relies on the hypothesis that the σv − R rela-
tion is valid everywhere in the Galaxy; this could be the case
if the line width–size scaling is due to a turbulent cascade, for
example. However, even if the σv −R scaling arises as part of
a turbulent cascade, it may still be different in different Galac-
tic locations, due, for example, to the presence of different
driving mechanisms in different locations. In addition, this
method makes the assumption that σv does not depend signif-
icantly on any other physical parameter, e.g., the gas surface
density Σ. Anticipating our results, we find a large dispersion
in the σv − R relation (Figure 12, top right panel).
In fact, Heyer et al. (2009) argued that the observed σv − R
relation also depends on Σ. If clouds are assumed to be in
virial equilibrium, σv = (piG/5)1/2 R1/2 Σ1/2, and the use of
σv−R to distinguish between near and far distance should take
into account the surface density of the cloud. Like Heyer et al.
(2009), we also find that σv depends on both R and Σ, but not
exactly to the power of 1/2. Our analysis is compatible with
σv ∝ (R Σ)0.43 (see Figure 12). This is the basis of our method
to select between the near and far distance for each cloud in
the inner Galaxy. In addition, in a few cases, where the far
distance would put a cloud to a Galactic height |z| > 200 pc,
the near distance was selected. This is justified by the fact that
the FWHM (in z) of molecular gas is of the order of 100 pc
(Ferrie`re 2001).
3.4. Mass, Radius, and Density
Given the distance, D, the mass, physical radius, and H2
number density are defined as
M = Σ Npix D2 dΩ (21)
R = D tan(Rang) (22)
nH2 =
3 M
4 pi µR3
(23)
4. RESULTS
The cloud catalog produced here includes 98% of the total
12CO emission of the Dame et al. (2001) survey within b±5◦.
In the following we describe the statistics of the cloud physi-
cal parameters (M, Σ, nH2, R, andσv), their spatial distribution
in the Galactic plane, the mass–size and velocity–size rela-
tions, and more advanced physical parameters related to the
respective role of gravity and turbulence in their dynamics.
4.1. Distribution Functions of Physical Parameters
4.1.1. Velocity Dispersion
The identification of clouds and their description as the sum
of Gaussian components provide some statistics on the global
velocity dispersion of each cloud (σv), as well as on the width
of each of the Gaussian components. The latter provides in-
formation on the line-of-sight velocity dispersion.
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Table 2
Typical Values of Cloud Parameters.
Parameter Units All Clouds Inner Galaxy Outer Galaxy αvir ≤ 3
Avg Median Avg Median Avg Median Avg Median
Σ M pc−2 28.6 16.5 41.9 31.6 10.4 7.0 46.1 37.1
M 104 M 15.1 3.8 22.6 7.8 5.4 1.6 40.7 12.0
R pc 31.5 25.1 30.8 25.2 32.9 24.9 37.8 29.5
nH2 cm−3 24.1 9.6 33.7 16.9 11.0 3.3 30.5 19.2
σv km s−1 4.0 3.6 4.9 4.6 2.8 2.5 3.1 2.7
σ0 km s−1 0.8 0.8 1.0 0.9 0.6 0.5 0.5 0.5
αvir ... 22.4 8.5 20.7 7.3 25.0 11.3 2.0 2.1
τdyn 106 yr 8.5 6.4 6.2 5.3 12.3 9.9 14.6 10.3
τff 106 yr 13.1 10.1 9.4 7.6 19.0 17.2 9.5 7.1
Pint 104 K cm−3 10.9 3.0 18.7 8.5 1.7 0.6 9.8 4.0
E˙dis LSun 146.9 9.9 285.1 51.5 10.5 1.7 205.8 15.3
2 10−27 erg cm−3 s−1 503.5 59.4 878.6 187.4 68.5 7.1 191.7 49.4
Notes. Average and median values of physical quantities for different subsets of the catalog: all clouds, clouds located at Rgal ≤ 8.5 kpc, clouds located at
Rgal > 8.5 kpc, and clouds with αvir ≤ 3.
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Figure 6. Histogram of the velocity dispersion (σv) for all clouds in the
catalog (black) and for all Gaussian components (σi) (red). The FWHM is
4.5 km s−1 for clouds and 2.0 km s−1 for the Gaussian components. In both
cases the contribution of the instrumental broadening was removed quadrati-
cally.
The histogram of the velocity dispersion σi of the indi-
vidual Gaussian components (Figure 6, red line) shows a
median value of 1.65 km s−1 but a most probable value of
only 0.85 km s−1. The histogram is positively skewed, with
values as large as 10 km s−1. These large values are likely
to be due to the velocity crowding effect in some areas of
the inner Galaxy. The histogram is relatively narrow, with
FWHM = 2.0 km s−1.
Figure 6 also shows the histogram of σv for all the clouds
in the catalog (black line). On the scale of clouds, the median
velocity dispersion is 3.6 km s−1 with a most probable value of
1.95 km s−1. The histogram is broader (FWHM = 4.5 km s−1)
than that of the Gaussian components. For both σi and σv,
the contribution of the instrumental broadening was removed
quadratically.
The histogram of σv is broader and peaks at a higher value
than the histogram of the individual Gaussian components.
This is due to the fact that σv includes both the average line-
of-sight velocity dispersion and the variation of the centroid
velocity over the cloud. In contrast, the statistics of the Gaus-
sian width σi sample only part of the line-of-sight component,
because the spectrum of a cloud, at a given position on the
sky, might be composed of more than one Gaussian compo-
nent. The ratio of the most probable values is about 2.2, as is
the ratio of the median values.
The velocity dispersion of a given cloud is the quadratic
sum of the turbulent and thermal broadening. Gaussian de-
composition is able to partly separate these two contributions
to the line broadening. In that context, the ratio of the most
probable values of these two histograms gives a lower limit
on the Mach number of molecular clouds (Mach > 2.2).
4.1.2. Cloud Mass Surface Density
The probability distributions of Σ, M, R, and nH2 are shown
in Figure 7. In each panel, the solid black line shows the full
sample, while the orange and blue lines show, respectively,
the clouds located in the inner and outer Galaxy.
The distribution of the mass surface density (Figure 7, top
left) shows a range of 2 . Σ . 300 M pc−2. The mean
value of Σ is 28.6 M pc−2, with a large standard deviation of
29.3 M pc−2 and a skewness of 1.5. The mass surface density
of clouds is higher in the inner Galaxy, with a mean value of
41.9 M pc−2, compared to 10.4 M pc−2 in the outer Galaxy.
All those values are tabulated in Table 2.
The difference in Σ between the inner and outer Galaxy
could be partly attributed to a variation of the XCO factor that
we assumed constant. Because the metallicity decreases with
Rgal (Balser et al. 2011), XCO is expected to increase toward
the outer Galaxy. Therefore, assuming a constant XCO system-
atically underestimates the surface density and mass of clouds
in the outer Galaxy. Heyer & Dame (2015) estimated that this
effect could be as high as ∼ 50 %. This effect is potentially
large, but it is still smaller than the variation of a factor of
four observed here.
In general, the values of Σ obtained here are similar to those
found by Heyer et al. (2009). Both our mean values and those
of Heyer et al. (2009) are much smaller than those obtained
by Solomon et al. (1987) and Roman-Duval et al. (2010).
For example, Solomon et al. (1987) mention that their typical
GMCs have Σ ∼ 170 M pc−2. This difference might be due
to the fact that our method includes the emission down to the
sensitivity limit of the data. Using a threshold in brightness,
like Solomon et al. (1987) did (they identified clouds with
TB > 4 K), one identifies clouds that are smaller, and their av-
erage mass surface density is systematically larger, as all the
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Figure 7. Probability distribution functions (histograms) of Σ, M, R, and nH2 for all the clouds in the catalog (black histograms), for inner-Galaxy clouds (orange
histograms), and outer-Galaxy clouds (blue histograms). Note the dramatically different surface densities of inner- and outer-Galaxy clouds (top left panel); the
mode of the outer-Galaxy cloud distribution is at a surface density only 1/10 that of the inner-Galaxy cloud distribution. The dashed red line in the upper right
(mass M) panel shows a power-law fit to the extreme high-mass end of the distribution, dN/d ln M ∼ M2.0±0.1, i.e., the largest clouds hold most of the molecular
gas—see Figure 8. The typical values for these quantities are summarized in Table 2.
faint emission around the periphery of the cloud is missed.
Possibly for the same reason, the large range in Σ reported
here contrasts with the general idea that GMCs have a nearly
constant value of Σ (Larson 1981; Solomon et al. 1987).
In addition, because our technique places almost all of the
CO emission into clouds, we identified a large number of faint
and smaller clouds that were missed by previous methods.
Our analysis confirms the findings of Digel et al. (1990) that
clouds in the outer Galaxy have a lower Σ. This is also similar
to what is seen in M51, where diffuse and fainter CO emis-
sion is detected far away from the main spiral arms (Koda
et al. 2009; Pety et al. 2013).
4.1.3. Mass
The total mass in the catalog is 1.6×109 M, corresponding
to a total H2 mass of 1.2×109 M (assuming µ = 1.36). This is
in good agreement with the review of Heyer & Dame (2015),
who estimated the total H2 mass to be (1.0 ± 0.3) × 109 M
based on a compilation of previous studies.
The mass of clouds ranges from a few M to 2.2 ×
107 M. The top right panel of Figure 7 shows the distribution
dN/d log M for the entire catalog, as well as for the inner and
outer Galaxy. The median mass of the sample is 3.8×104 M.
This is comparable to the molecular mass of several clouds of
the Gould Belt: Taurus (Pineda et al. 2010), Perseus (Lee et al.
2015), Ophiuchus (Loren 1989), and the Coalsack (Cambre´sy
1999) all have masses in the range 1 − 3 × 104 M.
Most of the clouds are small, but they collectively contain
little mass; the ∼ 5000 clouds with M ≤ 105M contribute
less than 10% of the total molecular gas mass. The cumulative
histogram of the cloud mass (Figure 8) indicates that half of
the mass is in clouds with M > 8.4 × 105 M; there are ∼ 460
such clouds. The higher-mass end of the distribution follows
a power-law: dN/d ln M ∼ M−2.0±0.1.
There is a significant difference between the cloud mass dis-
tributions of the inner and outer Galaxy. About 60% of the
clouds are located in the inner Galaxy, but they make up 85%
of the total molecular mass of the disk. Clouds are indeed sig-
nificantly more massive in the inner Galaxy: there the median
mass is 7.8× 104 M while it is only 1.6× 104 M outside the
solar circle. These values are summarized in Table 2.
These statistical properties are similar to what has been esti-
mated with smaller samples and over a much smaller range of
scales than we use here (Solomon et al. 1987; Williams & Mc-
Kee 1997; Heithausen et al. 1998; Kramer et al. 1998; Heyer
et al. 2001; Rosolowsky 2005; Roman-Duval et al. 2010).
4.1.4. Cloud Physical Radius
The clouds in the catalog have sizes ranging from less than
1 pc to about 150 pc (see Figure 7 bottom left panel). The
most probable value of R is ∼ 30 pc, typical for GMCs. We
note that the maximum size is comparable to the scale height
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Figure 8. Cumulative mass distribution functions: fraction of total mass (left) and number of clouds (right) with M > Mi. Half of the molecular gas mass in
the Milky Way is contained in clouds with mass greater than M = 8.4 × 105 M.
of the molecular disk.
Interestingly, the distribution of R is very similar in the
outer and inner Galaxy. Even though clouds in the inner
Galaxy are more massive, have a larger Σ, and are in a much
more crowded region in PPV space than in the outer Galaxy,
their size distributions are surprisingly similar.
We also want to point out that, unlike Σ, the determination
of the typical size of a cloud is less sensitive to the brightness
threshold used for cloud identification. If R is determined
with a brightness-weighted method (see Sect. 3.2), the low-
brightness outskirts of clouds do not contribute significantly
to the size. This explains why the values of R reported here are
similar to previous studies (e.g., Solomon et al. 1987) while
there are significant differences in Σ.
4.1.5. Cloud Mean Density
The mean H2 number density of the whole sample is
〈nH2〉 = 24.1 cm−3. The mean values in the inner and outer
Galaxy are 33.7 and 11.0 cm−3, respectively. Such low values
of nH2, well below the CO critical excitation density of the or-
der of 103 cm−3, have been reported early on (Blitz & Thad-
deus 1980). They indicate that the filling factor of dense gas
in molecular clouds is significantly below unity (Perault et al.
1985). In other words, the low density values measured here
indicate that emitting gas does not fill the CfA survey beam.
Indeed, higher-resolution observations tend to find higher val-
ues of nH2 (Roman-Duval et al. 2010).
4.2. Large-scale Distribution of Molecular Clouds
4.2.1. Surface Density versus Galactic Radius
It is generally believed that a substantial fraction of the
molecular material in the Milky Way is located in a ring in
the range 3 kpc . Rgal . 7 kpc. This was established by look-
ing at the radial variation of the mass surface density of H2 gas
(i.e., ΣH2 versus Rgal) and modeling the CO emission as com-
ing from a disk of varying scale height and midplane density
with Rgal (Bronfman et al. 1988; Nakanishi & Sofue 2006).6
Because the catalog presented here contains almost all the CO
emission, it is possible for the first time to estimate ΣH2 using
a cloud-based approach, i.e., by integrating the mass of all the
clouds in an annulus of constant Rgal. Our results are shown in
6 Here we make a distinction between the mass surface density of a single
cloud, Σ, and the mass surface density of H2 gas in the Milky Way, ΣH2.
the top left panel of Figure 9. They are compatible with most
previous studies, especially with the analysis of Nakanishi &
Sofue (2006). Close to the Galactic center, there is a departure
from the estimates of Bronfman et al. (1988); this departure
is explained by the fact that those authors did not include data
from |l| < 12 in their analysis. With the same restriction in
longitude, our estimate of ΣH2 (not shown) is compatible with
that of Bronfman et al. (1988).
For Rgal > 3 kpc, we note that the surface density falls off
exponentially with a scale length of 2.0 kpc. This result is sig-
nificantly different from the scale length of 3.5 kpc found by
Williams & McKee (1997). These authors based their anal-
ysis on the outer-Galaxy results of Wouterloot et al. (1990)
(green filled circles in Figure 9, top left panel), which are not
compatible with our estimates or with those of Nakanishi &
Sofue (2006) or Pohl et al. (2008) (see also Figure 7 of Heyer
& Dame 2015).
The molecular ring is best seen in the top right panel of
Figure 9, which shows the total mass in rings of thickness
0.5 kpc as a function of Rgal. We note that the increase of ΣH2
and total mass toward the inner Galaxy is produced in part by
an increase of the number of clouds, but more significantly by
an increase of the average mass surface density of individual
clouds (Figure 9, bottom right panel).
Finally, it is interesting to compare the H2 and H i sur-
face density as a function of Rgal. In the top left panel
of Figure 9 we also show the ΣHI data points of Nakanishi
& Sofue (2016), which are similar to the ones obtained by
Koda et al. (2016). In the inner Galaxy the H i surface den-
sity rises from a value of about 1 M pc−2 to 10 M pc−2 at
Rgal ∼ 10 kpc. At larger Rgal, the H i surface density falls ex-
ponentially with a scale length of RHI ≈ 3.75 kpc (Kalberla &
Kerp 2009). Both Nakanishi & Sofue (2016) and Koda et al.
(2016) showed that the fraction of the gas in molecular form,
fH2 = ΣH2/(ΣHI +ΣH2), declines steadily with Rgal. This is also
shown in the bottom left panel of Figure 9 using our estimate
of ΣH2. In the solar neighborhood, the molecular fraction is
about 10% only.
4.2.2. Face-on View
Looking at external galaxies like M51 (Koda et al. 2009;
Pety et al. 2013), it is likely that the molecular gas in the
Milky Way is not located in a ring, but rather that it follows
the spiral arms (Dobbs & Burkert 2012). Do GMCs follow
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Figure 9. Top left: surface density of H2 mass as a function of galactocentric radius (black filled circles). The blue, red, and green filled circles correspond,
respectively to the estimate of Bronfman et al. (1988), Nakanishi & Sofue (2006), and Wouterloot et al. (1990). The dotted line is the exponential fit over the
range 4 < Rgal < 17 kpc: Σ = 83 exp(−Rgal/2.0). The yellow filled circles correponds to the H i surface density of Nakanishi & Sofue (2016). Top right: total
mass of clouds in galactocentric rings (thickness 0.5 kpc), as a function of Rgal. Bottom left: molecular fraction fH2 = ΣH2/(ΣHI + ΣH2) built using our estimate
of ΣH2 and ΣHI from Nakanishi & Sofue (2016). Bottom right: variation of the median cloud mass surface density Σ as a function of galactocentric radius.
the spiral structure of the Galaxy? Answering this question is
challenging, due to the fact that we are located inside the disk.
Velocity crowding, the kinematic distance ambiguity, noncir-
cular motions, and the definition of cloud frontiers all add to
the difficulty of the task. Many attempts were made in the
past, on portions of the disk (Clemens et al. 1988; Solomon
& Rivolo 1989). Recently Rice et al. (2016) have shown that
the brightest molecular clouds seem to be spatially correlated
with the spiral structures of the Galaxy. On the other hand,
Koda et al. (2016) showed that there is rather modest varia-
tion of the fraction of molecular to atomic gas (about 20%)
between the arm and the interarm regions of the Milky Way.
These authors noticed that the main change in gas phase oc-
curs at Rgal > 6 kpc where the molecular fraction drops below
50% (see Figure 9, bottom left panel).
In Figures 10 and Figures 26 to 28 we present face-on views
of the Milky Way representing the distribution of Σ, M, nH2,
as well as the distance z to the midplane. In every diagram,
each dot represents a single cloud. The size of the dot is pro-
portional to log(R). The color scale indicates the value of each
parameter. Overlaid on these figures is the spiral arm model
of Valle´e (2008) adjusted to the Sun–Galactic center distance
RSun = 8.5 kpc.
The spatial distribution of Σ (Figure 10) is probably the
most useful one to determine what the Milky Way might look
like seen from the outside. Because Σ seems to be unrelated
to the cloud physical size (see Sect. 4.3), it does not suffer as
much as M and nH2 do from a distance bias (see Appendix C).
This map shows an increase in cloud surface density close to
the four spiral arms, although the association is not clear ev-
erywhere. A significant fraction of the clouds are located be-
tween the arms. Like Rice et al. (2016), we notice a lack of
clouds in the Perseus arm close to the Sun (for l > 90◦).
Unsurprisingly, the face-on view of M (Figure 26) indicates
that more distant clouds are generally bigger and more mas-
sive than more nearby clouds. This is due to the limit im-
posed by the finite angular resolution and sensitivity of the
observations. Naturally, the survey detects larger and more
massive clouds with increasing distance (Heyer et al. 2001).
The dependence on D of R and M and the detection limit of
the catalog are detailed in Figure 24 in Appendix C. This ef-
fect does not imply that the catalog misses a large fraction
of the emission from regions that are farther away but rather
that it does not have the ability to resolve faraway complexes
into their substructures. Molecular clouds have a fractal struc-
ture and are not isolated in PPV space. This is clearly seen in
CO observations of external galaxies (Koda et al. 2009; Pety
et al. 2013). Therefore, in the Milky Way, closer molecular
complexes are easily resolved into smaller pieces, while sim-
ilar complexes that are far away are seen as a single entity.
Unfortunately, this is inherent to the fact that we look at the
Milky Way from the inside. This has to be kept in mind when
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Figure 10. Face-on view of the H2 surface density. The symbol size is proportional to log(R) while the color indicates log(Σ). The four spiral arms model of
Valle´e (2008) is overlaid. The dashed lines indicate Galactic longitudes by step of 15◦.
looking at distance-dependent statistical properties of clouds.
Compared to the mass (∝ D2), the density is less biased by
distance (∝ D−1). It is true that closer clouds are generally
smaller and tend to have a higher density (the distance bias),
but the face-on view of nH2 (Figure 27) also shows a general
increase of the average density inside the solar circle. In the
outer Galaxy, clouds are about 10 times less dense than in
the spiral arms. We notice that the Scutum-Centaurus arm (at
X ≈ 0 kpc, Y ≈ 5 kpc), where a significant fraction of the star-
forming activity of the Milky Way takes place, shows a clear
increase in gas density relative to other regions.
Finally, Figure 28 in Appendix E shows the distance to the
midplane for each cloud. This diagram provides an interest-
ing view of the Galactic warp seen in molecular emission. In
the inner Galaxy, the molecular gas is concentrated in a layer
close to z = 0, with a scale height of the order of 100 pc.
On the other hand, in the outer Galaxy, the molecular layer is
clearly flaring and it is warped. Toward l = 90◦ the molecular
gas is above the midplane, while it is below toward l = 270◦.
This has been identified by many studies since the 1980s (see
Figure 6 of Heyer & Dame 2015), but this figure is the first
time that it has been shown over the whole plane with a single
coherent sample of clouds.
4.2.3. The Local Bubble
Close to the Sun, most of the interstellar matter is seen
at higher Galactic latitude. For instance, all the Gould Belt
clouds are at intermediate latitudes (|b| ∼ 10 − 20◦, see Per-
rot & Grenier 2003). Even though the current study concen-
trates only on CO emission in a very limited range in latitude
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Figure 11. Face-on view of the H2 surface density in the Solar neighborhood. The symbol size is proportional to log(R) while the color indicates log(Σ). The
contours indicate the distribution of dense gas as deduced from extinction measurements by Lallement et al. (2014). The local bubble can be traced as a paucity
of molecular emission (and dust extinction contours) from the location of the Sun (at the center of the plot) to the upper left, towards l = 240◦.
(−5◦ < b < 5◦), we notice that the global morphology of the
solar neighborhood is reproduced. Figure 11 shows a 1×1 kpc
face-on view of the clouds’ surface density, centered on the
Sun. Also shown are the isocontours of E(B − V)/pc of Lalle-
ment et al. (2014) obtained by an inversion of stellar color
excess measurements obtained in the optical. This method
uses parallax or photometric estimates of distance, providing
a much more precise determination of the 3D structure of the
ISM close to the Sun. The work of Lallement et al. (2014)
clearly shows the position of nearby clouds with respect to the
Sun. Several of these clouds are in the range −30◦ < l < 75◦
and at a distance 100−300 pc. They are part of the Gould Belt.
These correspond to the Ophiuchus, Lupus, and Chamaeleon-
Musca clouds, all located at |b| > 5◦. Therefore, they are not
present in our catalog. On the other hand, complexes located
at lower latitude seem to show a rather good correspondence
with the clouds found here. This is the case for Vela, Cygnus,
and Cassiopeia. Even part of the Acquila, Perseus, and Orion
complexes are captured. One very striking feature of the solar
neighborhood is the Local Bubble, a vast region with almost
no dense gas that extends toward l ∼ 240◦, corresponding to
a diagonal to the upper left in Figure 11. This is very well
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Figure 12. Relations between quantities of the catalog shown as two-dimensional histograms. In all four diagrams, all the clouds in the catalog were used. The
solid line corresponds to a linear fit done using the bisector estimator. The uncertainty on the exponent was computed by comparing the bisector result to the
results from the Y vs. X and X vs. Y linear fits. The color scale is proportional to the density of points. Top-left: M vs. R. The fit is M = 36.7 R2.2±0.2 and the
Pearson correlation coefficient is 0.89. The two ridgelines traced by the red pixels are produced by inner-Galaxy clouds (the upper ridgeline) and outer-Galaxy
clouds (the lower ridgeline); these two populations can also be seen in the top left panel of Figure 7. Top-right: σv vs. R. The fit is σv = 0.48 R0.63±0.30, and the
Pearson correlation coefficient is 0.55. Bottom-left: σv vs. M. The fit is σv = 0.19 M0.27±0.10, and the Pearson correlation coefficient is 0.68. Bottom-right: σv
vs. (ΣR). The fit is σv = 0.23 (ΣR)0.43±0.14, and the Pearson correlation coefficient is 0.71.
captured by the current catalog.
4.3. Mass–Size Relation
Figure 12 shows the M−R relation for our sample of molec-
ular clouds. The relation found using the bisector estimate is
M = 36.7 R2.2±0.2. The statistical uncertainty on the expo-
nent of the bisector estimator is only 0.01. Here we quote the
uncertainty calculated from the difference between the result
from the bisector estimate and the results from the Y versus X
and X versus Y fits.
The mass–size relation has two potentially very interest-
ing applications. First, it might reveal properties of interstel-
lar turbulence. The mass–size relation has been investigated
in numerical simulations of isothermal flows without grav-
ity (Kritsuk et al. 2007; Federrath et al. 2009; Audit & Hen-
nebelle 2010). Depending on the numerical setup and on the
structure identification method used, exponents in the range
of 2.0 − 2.5 were found. It is thought that this relation is
linked to the properties of turbulence (Kritsuk et al. 2007).
A similar range of values is obtained from observations of
molecular clouds. Hennebelle & Falgarone (2012) showed
that, when compiled, the observational results are compatible
with a variation of the exponent with R, i.e., non-power-law
behavior, a feature that was also noticed in numerical simula-
tions (Veltchev et al. 2016).
The second application is related to the fact that the M − R
relation could be used as a way to estimate the distance to
clouds. As M ∝ D2 and R ∝ D, an exponent different
from 2 in the M − R relation would provide a way to esti-
mate distance. From their analysis of Galactic Ring Survey
data, Roman-Duval et al. (2010) concluded that M ∝ R2.36,
and they used this relation to solve the near/far ambiguity for
molecular clouds. On the other hand, other studies (e.g., Lar-
son 1981; Beaumont et al. 2012) found exponents close to 2.
The exponent of the M − R relation found here is compat-
ible within the error with 2.0. Therefore, we did not use this
relation as a distance estimator. The fact that M ∝ R2 implies
that Σ is independent of R. Indeed, we do not see any cor-
relation between Σ and R (Pearson correlation coefficient of
0.08). This also implies that nH2 ∝ R−1.
4.4. Velocity–Size Relation
The seminal work of Larson (1981) provides some foun-
dations on which the theoretical framework of star formation
has been built. Larson (1981) obtained two main observa-
tional relationships: one between the cloud’s largest dimen-
sion, L, and the cloud line width (σv = 1.10 L0.38), and one
between size and volume density (nH2 = 3400 L−1.1). Assum-
ing that M ∝ nH2 L3, these relationships imply that molecular
Physical properties of molecular clouds for the entire Milky Way disk 15
0 5 10 15 20
Rgal [kpc]
0
2
4
6
8
10
σ
v [
km
/s]
0 5 10 15 20
Rgal [kpc]
0.0
0.2
0.4
0.6
0.8
1.0
1.2
1.4
σ
v /
 R
0.
5  [
km
 s-
1  p
c-0
.5
]
0 5 10 15 20
Rgal [kpc]
0.0
0.1
0.2
0.3
0.4
0.5
0.6
σ
v /
 (Σ
 R
)0.
43
 [k
m
 s-
1  (
M
Su
n/p
c)
-0
.4
3 ]
Figure 13. Variation of σv (top), σv/R1/2 (middle), and σv/(ΣR)0.43 (bot-
tom) as a function of galactocentric radius. In all panels each dot and its
associated error bar indicate, respectively, the median and 1σ dispersion of
the values in a bin of Rgal.
clouds are in virial equilibrium, on average.7 These results
were seemingly confirmed by the analysis of Solomon et al.
(1987) on a larger sample of clouds (273 instead of 46). Con-
trary to Larson (1981), who obtained a σv − L exponent close
to what is expected for incompressible turbulence (σv ∝ L1/3),
Solomon et al. (1987) obtained σv ∝ L1/2, which is consis-
tent with expectations for compressible supersonic turbulence
7 More precisely, it implies that the virial parameter is close to one with a
weak dependence on scale: 2 G M/σ2v L ∝ L0.14.
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Figure 14. Two-dimensional histogram of σv/R0.5 vs. Σ. The color scale
is proportional to the density of points. The dotted line indicates the locus of
gravitational bound structures (αvir = 3; see Eq. 28).
(Brunt & Mac Low 2004) or simply for clouds in virial equi-
librium. In the latter case, σv also depends on surface density
(Heyer et al. 2009). To this day, the origin of the size–line
width relation (gravity or turbulence) is still a matter of de-
bate (Ballesteros-Paredes et al. 2011).
The σv−R relation for our whole sample of clouds is shown
in the top right panel in Figure 12. The best fit, computed
using the bisector estimator, gives
σv = 0.48 R0.63±0.30. (24)
Like for the M − R relation, the statistical uncertainty on the
exponent is calculated from the difference between the result
from the bisector estimate and the results from the Y versus
X and X versus Y fits. The Pearson correlation coefficient of
this relation is 0.55.
In addition to σv − R, we explored a number of different
relations between σv and other cloud parameters, as well as
combinations of parameters. For instance, we found a rather
good correlation between σv and M (Figure 12, bottom left
panel), with a Pearson correlation coefficient of 0.68:
σv = 0.19 M0.27±0.10. (25)
This result is similar to the relation σv = 0.42M0.20 found by
Larson (1981).
Of all the relations involving σv that we explored, that be-
tween σv and (ΣR) (Figure 12, bottom right panel) is the tight-
est one we found (Pearson coefficient of 0.71). Using a differ-
ent data set, Heyer et al. (2009) reached the same conclusion.
Our linear fit gives
σv = 0.23 (ΣR)0.43±0.14 . (26)
We found that the normalization of this relation (σv/(ΣR)0.43)
is nearly constant across the Galactic plane, as shown in the
bottom panel of Figure 13.
The almost constant value of this quantity across the Galac-
tic plane contrasts with the variation ofσv with Rgal (Figure 13
top panel). We found that σv, averaged over Galactic annuli,
decreases with increasing Rgal in the inner Galaxy, while it is
nearly independent of Rgal outside the solar circle.
This effect is not due primarily to variations in cloud ra-
dius with Rgal; on average, clouds inside the solar circle are
similar in size to those in the outer Galaxy; see the lower left
panel of Figure 7, where the orange and blue histograms have
similar shapes. This is demonstrated in the middle panel of
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Figure 13. Assuming the scaling velocity with size appropri-
ate for supersonic turbulence (σv = σ0 R1/2), the middle panel
of Figure 13 shows the normalization σ0 as a function of Rgal
(see also the face-on view ofσ0 in Figure 30). The decrease of
σ0 with Rgal inside the solar circle is less pronounced than σv
but still signifiant. This is compatible with the analysis of Oka
et al. (2001), who found that the σv−R relation in the Galactic
center area (Rgal < 3 kpc) has a significantly larger normaliza-
tion than that found at larger Galactic radii. Over the whole
sample of clouds, the median value of σ0 is 0.75 km s−1, with
a standard deviation of 0.43 km s−1. We note that the value in
the solar neighborhood (σ0 ≈ 0.8 km s−1) is similar to the one
estimated in the more diffuse H i component (Wolfire et al.
2003; Saury et al. 2014).
Adding Σ to R in the parameterization of σv provides a sig-
nificant statistical improvement. The normalization of the σv
versus (Σ R) relation shows significantly less variation with
Rgal than σ0 (see middle and bottom panels in Figure 13).
Figure 14 shows the two-dimensional histogram of σ0 as a
function of Σ. For most of the range in Σ sampled here, i.e.,
for Σ & 10 MSun pc−2, we observe a clear increase of σ0 with
Σ, contrary to what is mentioned by Hennebelle & Falgarone
(2012).
Based on these results, we used the σv − (ΣR) relation, in-
stead of σv − R, to select between near and far distance.
We note that this variation is weaker at low values of Σ .
10 MSun pc−2, where σ0 seems unrelated to Σ. As seen in Fig-
ure 30, clouds with low values of σ0 are generally located at
large Rgal where there is no near/far distance ambiguity. The
behavior seen here is reminiscent of the results of Heyer et al.
(2001) who found that small clouds in the outer Galaxy have
a velocity dispersion independent of size.
4.5. Advanced Physical Parameters
In this section we explore more advanced physical quan-
tities to help unravel the physical conditions of molecular
clouds and, in particular, the respective role of gravity and
turbulence in their evolution. We compute the internal pres-
sure, the virial parameter, the free-fall and dynamical times,
and the turbulence energy dissipation and transfer rates.
4.5.1. Internal Pressure
For every cloud in the sample, the internal (turbulent) pres-
sure, Pint (in units of K cm−3), is estimated as
Pint =
2 mp
k
nH2 σ2v , (27)
where k is the Boltzmann constant. The histogram of Pint
(Figure 15, top panel) illustrates the large range of pressure
found: over more than 3 orders of magnitude. The median
value is Pint = 3.0 × 104 K cm−3, but with a large standard
deviation of 5.0 × 104 K cm−3.
From Eq. 27 we note that the total pressure scales like Σ/R×
σ2v . As σ
2
v ∝ (ΣR)0.86, the total pressure scales almost like Σ2
and is thus very weakly dependent on distance. Therefore,
as for Σ, the clear difference in Pint between the inner and
outer Galaxy (see orange and blue histograms in Figure 15)
is physical and not an observational bias. This is also clearly
seen in the bottom panel of Figure 15, where the variation of
Pint with Rgal appears similar to the variation of Σ with Rgal
(Figure 9). The similarity between the spatial distribution of
Pint and Σ is also seen in the face-on views (Figures 10 and
29).
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Figure 15. Internal pressure. Top: histogram of Pint. The solid black line
shows the full sample, while the orange and blue lines show, respectively, the
clouds located in the inner and outer Galaxy. Bottom: median value of Pint
in rings of constant Rgal.
As it has been noticed before (e.g. Blitz 1993), the typical
internal pressure of molecular clouds is much larger than the
typical pressure of the diffuse H i, Pint = 3.7 × 103 K cm−3 in
the solar neighborhood according to Jenkins & Tripp (2011).
These authors found excursions in H i pressure from 103 to
104 K cm−3, which is still less than the typical values found
here.
4.5.2. Virial Parameter
As mentioned by Heyer et al. (2009), a σv − (ΣR) relation-
ship is expected if gravity is a dominant process in the dy-
namics. Specifically, one expects σv ∝ (ΣR)1/2 for clouds in
virial equilibirum, i.e., αvir ≈ 1− 3 where the virial parameter
is defined as
αvir =
5σ2v R
G M
= a
2T
|W | , (28)
where T is the total kinetic energy of the cloud and W is the
gravitational energy associated with the cloud (ignoring tidal
effects; Bertoldi & McKee 1992). We calculate the factor a
in Appendix D, where we show that for fiducial values for the
power-law index for the density ρ ∼ r−kρ (kρ = 1) and for
the index in Larson’s size–line width relation σ(r) ∼ rp, with
p = 1/2, that a ≈ 5/3. In other words, the observed virial
parameter αvir will be a factor of 5/3 larger than the ratio of
twice the kinetic energy to the gravitational energy. If the
latter is of order 2, meaning equal kinetic and gravitational
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Figure 16. Virial parameter. Top: histogram of αvir. The solid black line
shows the full sample, while the orange and blue lines show, respectively, the
clouds located in the inner- and outer-Galaxy. Bottom: median value of αvir
in rings of constant Rgal.
energies, the observed virial parameter will be αvir ≈ 3.
The histogram of αvir for the whole sample of clouds, as
well as for the inner- and outer-Galaxy clouds, is shown in
Figure 16 (top panel). The distribution peaks at αvir of around
3-4, where the kinetic energy of the cloud is about equal to the
gravitational energy and is strongly positively skewed. Clouds
in the outer Galaxy are more likely to have αvir >> 1, some-
thing already noted by many studies (Sodroski 1991; Heyer
et al. 2001). The Galactic profile (Figure 16, bottom panel)
and the face-on view (Figure 31) of αvir indicate a slight de-
crease in the 3 < Rgal < 7 kpc region. We also note an increase
of αvir in the inner part of the Galaxy (Rgal < 3 kpc) as well as
an unexpected variation of αvir in the outer Galaxy (see Fig-
ure 31). The virial parameter is systematically larger in the
third quadrant (180◦ < l < 270◦) compared to the second
quadrant (90◦ < l < 180◦). Like Pint, the virial parameter is
very weakly dependent on distance.
Figure 17 shows the two-dimensional histogram of αvir ver-
sus M. The correlation between these two quantities is mod-
est (Pearson coefficient of -0.54). Overall, only 15% of the
clouds have αvir ≤ 3 but they contribute 40% of the total
mass in clouds. Assuming that αvir = 2.3 × 103 M−0.53±0.30
(see Figure 17), one could conclude that clouds with M >
2.8×105 M are gravitionally bound. On the other hand, look-
ing in detail at Figure 17, there are more unbound clouds with
M > 2.8×105 M than bound clouds. Therefore, even though
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Figure 17. Two-dimensional histogram of αvir vs M. The color scale is
proportional to the density of points. The dotted line indicate the locus of
gravitational bound structures (αvir = 3, see Eq. 28). The solid line is the
result of the fit: αvir = 2.3 × 103 M−0.53±0.30. The Pearson coefficient of αvir
vs M is -0.54.
more massive clouds tend to have a lower virial parameter, it
seems difficult to conclude that mass is the main criterion that
defines the gravitational stability state of a given cloud.
These results are commensurate with previous estimates
and with the idea that unbound (high αvir) clouds are less ef-
ficient at forming stars: Liszt et al. (2010) argue that about
40% of the Galactic molecular gas is not forming stars, while
Goldsmith et al. (2008) reached the same conclusion specifi-
cally for the Taurus molecular clouds.
4.5.3. Free-fall Time and Dynamical Time
The comparison of the free-fall time
τff =
(
3pi
32Gρ
)1/2
(29)
where ρ = µ2mpnH2, and the dynamical time (or crossing
time)
τdyn =
R
σv
(30)
provides some insight into the physical processes involved in
the efficiency with which molecular gas turns into stars.
The histograms of τff and τdyn are shown in Figure 18. They
both have a relatively narrow distribution. The median values
are τff = 1.0 × 107 yr and τdyn = 6.4 × 106 yr. To first order,
the free-fall time is about 1.5 times the value of the dynamical
time. Both τff and τdyn increase from the inner to the outer
Galaxy, but their ratio, like αvir, stays about the same.
The ratio of the total molecular mass of the Milky Way
to the typical free-fall time (1.6 × 109 M /1.0 × 107 yr =
160 M yr−1) provides an estimate of what the star forma-
tion rate would be if all molecular clouds were to form stars
and if gravity alone were to drive the formation process. A
finer estimate of this quantity can be obtained by summing
M/τff for all the clouds in the sample. It gives a similar value:
215 M yr−1. This has to be compared with the actual star
formation rate of the Milky Way, which is ∼ 2 M yr−1, indi-
cating that the star formation efficiency is of the order of 1%
on average.
4.5.4. Turbulence Energy Dissipation and Transfer Rates
In order to evaluate what processes drive turbulence in
molecular clouds and regulate star formation in galaxies, it
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Figure 18. Histogram of the crossing time τdyn = σv/R and free-fall time
τff = (3pi/32 G ρ)1/2. The solid black line shows the full sample, while the
orange and blue lines show, respectively, the clouds located in the inner and
outer Galaxy.
is essential to quantify the properties of turbulence. One im-
portant parameter is the rate at which energy is injected and
dissipated in the turbulent cascade and the rate at which it
transfers from large scales to small scales.
In a three-dimensional turbulent flow, the kinetic energy in-
jected at large scales is transferred to smaller scales through
nonlinear interactions, down to the dissipation scale, where it
is converted into heat. In an incompressible turbulent flow,
Kolmogorov (1941) showed that the energy tranfer rate per
unit mass, v3/l, is conserved. This means that, for a given
turbulent flow with some energy injected at large scales, the
energy transfer rate is constant whatever the scale at which
it is estimated. Later, Lighthill (1955) pointed out that, in a
compressible turbulent flow, the quantity that is conserved is
the mean volume energy transfer rate defined as
2 =
ρσ3v
R
. (31)
That led Kritsuk et al. (2007) to propose an extension of Kol-
mogorov’s theory (Kolmogorov 1941) to compressible flow,
which applies to molecular clouds. They showed that the
quantity u = ρ1/3v has the same statistical properties as the ve-
locity field v in incompressible turbulence, whatever the Mach
number of the flow.
It has been seen in several numerical simulations that the
turbulent energy decays in one turnover time if it is not main-
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Figure 19. Turbulent energy dissipation rate. Top: histogram of E˙dis. The
solid black line shows the full sample, while the orange and blue lines show,
respectively, the clouds located in the inner and outer Galaxy. Bottom: me-
dian value of E˙dis in rings of constant Rgal.
tained (see the review of Hennebelle & Falgarone 2012). Fol-
lowing Mac Low (1999), the energy dissipation rate can be
estimated as the total kinetic energy divided by the dynamical
time:
E˙dis = −12
M σ3v
R
, (32)
which is simply the kinetic energy transfer rate  integrated
over the whole volume of a cloud.
We computed the  and E˙dis for each cloud in the catalog.
The histogram of E˙dis and its variation with Rgal are shown
in Figure 19. The face-on view of E˙dis is also shown in Fig-
ure 32. The variation of the median value of E˙dis as a function
of Rgal is quasi-bimodal, with E˙dis ∼ 2 L for Rgal > 7 kpc and
E˙dis ∼ 100 L at smaller Rgal.
The histogram of 2 (Figure 20) shows a significant spread
in values, of about 4 orders of magnitude, similar to the one
of E˙dis. There is a clear difference in the value of  between
the inner and outer Galaxy; it drops steadily for Rgal > 5 kpc,
with an exponential scale length similar to what we found for
the mass surface density Σ (Figure 9). For Rgal < 9 kpc, the
value of 2 ∼ 10−25 erg cm−3 s−1 is similar to previous es-
timates obtained for molecular clouds and H i clouds in the
solar neighborhood (Hennebelle & Falgarone 2012).
We observed no variation of  with GMC radius R, which
is not inconsistent with the presence of a turbulent cascade.
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Figure 20. Kinetic energy transfer rate. Top: Hhistogram of 2. The solid
black line shows the full sample, while the orange and blue lines show, re-
spectively, the clouds located in the inner and outer Galaxy. Bottom: median
value of 2 in rings of constant Rgal.
However, we are unable to evaluate whether  is constant
through scales in individual clouds, as was done in Hen-
nebelle & Falgarone (2012). As mentioned in § 5.2, we are
only sampling the large-scale properties of compressible tur-
bulence for isolated clouds, not their multiscale nature.
Finally, we note that E˙dis and  depend significantly on dis-
tance with E˙dis ∝ D2.3 and  ∝ D−0.7. One could worry that
this would affect the radial distributions shown in Figures 19
and 20. The fact that these two quantities depend in an op-
posite manner on D (E˙dis tends to increase with D while 
decreases) provides some guidelines to evaluate the impact of
the distance bias on the trends seen here. The 2 orders of mag-
nitude difference between the inner and outer Galaxy, seen for
both quantities, cannot be the result of an observational bias.
On the other hand, the exact shape of the variations in the
range 5 < Rgal < 15 kpc could be partly due to the different
distance bias of E˙dis and .
5. DISCUSSION
5.1. The Cloud Identification Method
The defining feature of the cloud identification method pre-
sented here is that it relies on a Gaussian decomposition of
the brightness temperature spectra. This allows us to com-
press the molecular emission into a smaller number of coeffi-
cients, limiting the effect of noise and increasing the contrast
of structures in PPV space when the emission of the Gaussian
components is concentrated in the centroid velocity channel.
All this facilitates the identification of coherent structures. It
also allows us to include the emission down to the noise level.
Compared with similar studies, the current catalog includes
a much larger fraction (98%) of the total observed CO emis-
sion. For example, the catalog of clouds covering the full
Galactic plane produced by Rice et al. (2016) includes 25%
of the total H2 mass. Similarly, the catalogs of Dame et al.
(1986), Solomon et al. (1987), and Scoville & Sanders (1987)
contain less than 20% of the total CO emission in a restricted
range of Galactic longitude.
Even though the method is successful at including almost
all the CO emission it does not resolve the velocity crowding
problem. Structures that are unrelated in 3D but appear con-
nected in PPV space are mistakenly taken as one cloud. This
remains a limitation that is difficult to circumvent. One can
only hope that the patchy and supersonic nature of the molec-
ular ISM limits this problem (Burkhart et al. 2013; Pan et al.
2015).
One important validation of the cloud identification and of
the distance estimate is the fact that the overall catalog repro-
duces the H2 surface density as a function of Rgal (Figure 9).
This is not a given. The H2 surface density was computed by
summing the mass of all clouds within galactocentric rings of
increasing Rgal. The distribution of ΣH2 versus Rgal depends
strongly on the distance attributed to each cloud. The com-
parison with the results of Bronfman et al. (1988), Nakanishi
& Sofue (2006), and Koda et al. (2016) is an important val-
idation. These studies do not rely on a cloud identification
method. They assumed that the CO emission is coming from
rings of constant Rgal or Gaussian layers of diffuse molecular
gas. In essence they deal with the near/far ambiguity by as-
suming that there is as much molecular gas on the far side as
on the near side of the Galactic center.8 Correspondingly, the
total H2 mass in the catalog, 1.2 × 109 M, is in accordance
with previous estimates that used different methods (Heyer &
Dame 2015).
There is another indication that the kinematic distance used
here is valid. Lee et al. (2016) showed that for 90% of the
clouds for which a star-forming complex could be associated,
the near/far resolution based on the σv − (ΣR) relation is in
accordance with absorption measurements.
5.2. Size–Line Width Relation
Like many studies before us (see the reviews by Hennebelle
& Falgarone 2012; Heyer & Dame 2015), we find a large scat-
ter in the σv − R plane, which is reflected in the large uncer-
tainty on the slope (0.3) and the relatively low Pearson cor-
relation factor (0.55). We also found that clouds located in
the outer Galaxy seem to have a shallower σv − R relation,
if indeed there is any correlation. Like Heyer et al. (2001),
we found that clouds smaller than about 7 pc seem to have a
velocity dispersion unrelated to R.
The interpretation of the σv−R relation shown in Figure 12
deserves some clarifications about what is really measured
here.
Let us consider a given molecular cloud with a well-
developed turbulent cascade fed by some energy input at large
scales. The velocity field of such a cloud is described by a
power-law power spectrum at scales smaller than the energy
8 We recall that the difference with the results of Bronfman et al. (1988) for
Rgal < 3 kpc is due to the fact that these authors did not use the CO emission
in the region −12◦ < l < 12◦.
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input scale. We write this as σv = σ0 (R/R0)β where β is re-
lated to the nature of the turbulence (β = 1/3 for subsonic
turbulence, β = 1/2 for supersonic turbulence) and σ0 to the
amplitude of the turbulent motion (or to the Reynolds num-
ber). This type of statistical signature has been identified in
individual clouds (see Hennebelle & Falgarone 2012). We
emphasize the fact that the Hennebelle & Falgarone (2012)
type of study, looking at the statistical properties measured on
different length scales in single clouds, is different from the
σv − R relations obtained by measuring the same property at
the largest scale of a large number of clouds, as in Figure 12
(top right panel). The former corresponds to a Type 3 or Type
4 relation in the nomenclature of Goodman et al. (1998), while
the latter corresponds to a Type 2 relation.
For each cloud in our sample, the measured velocity disper-
sion is that corresponding to the largest scale of the cloud. The
interpretation in terms of turbulence of a Type 2σv−R relation
built this way makes sense only if the Galaxy behaves like a
turbulent flow on the scales comparable to or larger than the
largest clouds. If that were the case, molecular clouds could
be seen as cells of a global turbulent cascade driven on some
large scale, e.g., the disk scale height of the Milky Way.
It is certainly possible that local sources of energy injection
will modify the normalization of the turbulent cascade in dif-
ferent regions of the Galaxy. If there are such local sources of
turbulent energy injection, the Type 2 σv − R relation built by
combining clouds from all over the Galaxy will sample any
spatial variations of the energy injection mechanism that ex-
ist. In other words, the σv−R computed as we do in this paper
encompasses information not only on β, but also on the spa-
tial variations of σ0. One might worry that if the amplitude of
turbulent energy depends on cloud size (i.e., σ0 = σ0(R)) the
measured value of β might not be very informative about the
properties of turbulence in molecular clouds.
In this context, one natural explanation of the scatter we
find in the σv −R relation is the fact that our sample of clouds
traces variations of σ0 across the Galactic plane. Clouds with
different levels of turbulent energy input will scatter up and
down relative to the general trend indicated by the black line
in Figure 12 (top right panel). The variations of σ0 can also
be appreciated in the face-on view shown in Figure 30.
The fact that σ0 decreases systematically with with increas-
ing Rgal (middle panel, Figure 13) is an indication that the
amount of energy injected in the turbulent cascade varies with
location in the disk. In other words, turbulence is not univer-
sal in the Milky Way. In fact, if the amplitude of the turbulent
energy injection in a single cloud is related to feedback or
gravitational energy, one would expect larger values of σ0 to-
ward the Galactic center, where both the binding energy and
the star formation rate of the GMCs are larger than those of
GMCs outside the solar circle.
The top right panel of Figure 7 shows that GMCs in the
inner Galaxy are much more massive than those in the outer
Galaxy. This suggests the possibility that the larger velocity
dispersion in the inner Galaxy is related to the fact that the
GMCs are more massive, at a given GMC radius, than GMCs
in the outer Galaxy.
It is known that the star formation rate in the inner Galaxy
is higher than in the outer galaxy, which suggests another pos-
sible contributor to the larger velocity dispersion in the inner
Galaxy. However, given that so few of the massive clouds
host massive star clusters (Lee et al. 2016), the self-gravity
explanation looks better than the feedback explanation. The
fact that the line width correlates best with M/R (Figure 12,
bottom right panel) certainly seems to favor self-gravity as the
driver of the increased velocity dispersion at small Rgal. We
discuss this point in the next section.
5.3. What Drives Turbulence?
One important question in star formation theory is the na-
ture of the energy driving turbulence in molecular clouds.
Many potential sources of turbulence have been proposed:
gravitational instabilities in the disk, either global (e.g., spiral
arms, leading to accretion through the disk toward the Galac-
tic center) or local (contraction of or accretion onto GMCs);
magnetorotational instability (Balbus & Hawley 1998) (again
driving gas through the disk toward the center),; or stellar
feedback (photons, winds, and supernovae).
Related to this question, there is still a lively controversy
over whether molecular clouds are long-lived entities or not.
This is connected to the fact that, in the absence of driv-
ing, turbulent motions decay within one dynamical time, even
in the presence of a magnetic field. Some argue that stars
form as molecular clouds form (Hartmann et al. 2001). In
this scenario, molecular clouds are dynamical structures, and
stars form early in the densest small-scale substructures of the
cloud (Heitsch et al. 2006), solving the problem of the ori-
gin of turbulent energy; the initial collapse drives turbulence,
which decays, but not before the cloud is disrupted. Others
are in favor of star formation that would last for 4 − 10τdyn,
where stellar feedback would maintain turbulence (Tan et al.
2006).
In this section we discuss several possibilities for the source
of turbulent motions in molecular clouds, in light of the results
presented here.
5.3.1. Mass Accretion
One might look more globally at the problem of turbulence
driving. Throughout the course of its evolution, a galaxy loses
energy, by radiation, and gas, by the star formation process
and through galactic scale outflows. Without mass accretion
from the circumgalactic medium, the intergalactic medium, or
both, the star formation rate and the level of turbulent energy
would rapidly die off.
Klessen & Hennebelle (2010) suggested that gas accretion
is the main process that maintains turbulence at the scale of
a galaxy, of a molecular cloud, and of a protoplanetary disk.
They argue that what maintains the star formation activity and
the level of turbulence in galaxies is the accretion of matter
from the intergalactic medium. At the scale of clouds, they
proposed that turbulence could be driven by gas accretion due
to large-scale motions in the disk.
According to Klessen & Hennebelle (2010), the turbulent
motions in molecular clouds are inherited from the cloud for-
mation process itself. Dense clouds in galaxies are formed in
regions of higher pressure where the gas can cool efficiently
(Saury et al. 2014). These regions will then become molec-
ular and gravitationally unstable. Converging flows, possi-
bly caused by perturbation of the gravitational potential (e.g.,
spiral density waves) or supernova explosions, are one likely
source of pressure increase. In this scenario the turbulent en-
ergy is provided by the continuous accretion onto GMCs in-
duced by the large-scale converging flow.
Following Klessen & Hennebelle (2010), the energy injec-
tion by mass accretion is
E˙inj =
1
2
M˙acc v2inf (33)
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where vinf is the infall velocity and
M˙acc = 4piR2 vinf ρISM (34)
is the mass accretion rate of diffuse matter of mass density
ρISM onto a cloud of radius R. Assuming a mean ISM vol-
ume number density of nISM = 1 cm−3 and a typical molec-
ular cloud radius of R = 30 pc, and scaling to an infall (or
converging flow) velocity vinf = 10 km s−1 produces an en-
ergy injection rate of E˙inj ≈ 32 L. We have chosen an inflow
velocity corresponding to the sound speed of ionized gas, for
reasons that will become apparent.
To see whether this process provides enough energy to
maintain turbulence, it has to be compared with the turbu-
lent energy dissipation rate. In the outer Galaxy, our results
are compatible with a constant value of E˙dis ≈ 2 L (see Fig-
ure 19). This is a factor of 15 lower than the input energy
by converging flows of 10 km s−1. The energy conversion ef-
ficiency from converging flow to turbulent motion of dense
clouds has been estimated to be in the range of 0.01 − 0.1
(Klessen & Hennebelle 2010). We conclude that the turbulent
motions of non-star-forming molecular clouds in the outer
disk of the Milky Way can be explained by the general process
of cloud formation and mass accretion by converging flows of
H i gas.
Of course, there must be a source of free energy to drive the
gas inflow onto the cloud. We note that in the outer Galaxy
the virial parameter of the clouds is ∼ 10, so that the potential
energy of the GMC is small compared to the kinetic energy
of the turbulence, i.e., the gravitational potential energy of the
GMC is not a significant source of energy. This is not true
in the inner Galaxy, a point we will return to. Since there is
very little star formation in the outer Galaxy, we are left with
two sources of free energy, accretion onto the disk from the
circumgalactic or intergalactic medium, or accretion through
the disk, whether driven by the magnetorotational instability
or gravity-driven instability, e.g., via spiral arms (which are
seen in the outer disk). The gas depletion time of the Milky
way is of order 1 Gyr, much shorter than the age of the Galaxy,
suggesting that accretion either onto or through the disk, or
both, is ongoing; assuming that the situation is at least near an
equilibrium, we scale the accretion to the star formation rate,
which is of order 1− 2M yr−1. The potential energy released
per second by the accretion is roughly
E˙acc ≈ M˙accv2c ≈ 2.9×1040
(
M˙acc
1M yr−1
) ( vc
220 km s−1
)2
erg s−1.
(35)
This should be compared to the turbulent luminosity of the
disk, roughly
E˙dis,disk =
1
2
Mgσ3v/H ≈ 1039
(
Mg
2 × 109M
)
(
σv
5 km s−1
)3 ( H
100 pc
)−1
erg s−1. (36)
We conclude that accretion energy is sufficient to drive the
turbulence in the disk and that accretion of gas onto GMCs in
the outer disk is sufficient to drive the turbulence in individual
clouds outside the solar radius.
The situation in the inner Galaxy is very different, however.
The observed GMC turbulent energy dissipation rate in the
inner Galaxy is a factor of 100 larger than that in the outer
Galaxy. The mean density of the atomic/ionized ISM is sim-
ilar in both locations, as are the mean GMC radii, and we
expect that the typical infall velocities at large distances from
the GMC are similar as well. Thus, it would appear that a new
source of turbulent energy is called for.
The virial parameters of clouds inside the solar circle are
noticeably smaller than those of clouds in the outer Galaxy;
see the bottom panel of Figure 16. In other words, the poten-
tial energy in inner-Galaxy GMCs is comparable to the kinetic
energy, in contrast to the GMCs in the outer Galaxy. This sug-
gests that contraction of these GMCs may power the higher
levels of turbulence we see.
This does not explain why GMCs in the inner Galaxy are
more tightly bound than those in the outer Galaxy.
More significantly, the fact that the GMCs have low virial
parameters and are contracting raises the question, what halts
the contraction? It is clearly not the turbulence.
5.3.2. Stellar Feedback
Turbulence in molecular clouds that are not forming stars
is comparable to that in more actively star-forming clouds.
Williams et al. (1994) noticed that two molecular clouds, one
actively forming stars while the other is not, have very similar
size–line width relations and clump mass spectra. This is also
found in the LMC by Kawamura et al. (2009). In addition,
statistical studies of the velocity field of individual molecular
clouds indicate no characteristic scale. Both points support
the idea that the turbulent energy injection occurs at scales
larger than the size of clouds (Ossenkopf & Mac Low 2002;
Brunt et al. 2009), and in particular that feedback does not
strongly and directly affect the turbulence at scales below the
GMC scale.
To take a specific example, jets from protostars can drive
turbulence in molecular gas; Matzner (2007) estimates the
total impulse produced per stellar mass formed of v∗ ≈
40 km s−1. Using this value, one finds that ∼ 104M in young
(jet-emitting) stellar objects are needed to power the turbu-
lence we find in an inner-Galaxy GMC. In Lee et al. (2016)
we show that the only about 50 of the ∼ 500 GMCs with
M > 106M have star clusters this massive, assuming a nor-
mal initial mass function. In other words, neither the ener-
getics nor (the lack of) a feature in the turbulent spectrum on
the scale of jets is compatible with protostellar jets being the
source of turbulence in inner Galaxy GMCs.
This does not mean that other forms of stellar feedback
have no role in the generation of turbulence. For example,
O star winds, H ii regions, and radiation pressure produce mo-
mentum outputs on much larger scales than do protostellar
jets, as do supernovae. Estimates for the first three forms
of feedback give v∗ ≈ 300 km s−1, while supernovae provide
v∗ ≈ 3000 km s−1 (e.g., Ostriker & Shetty 2011). Thus, the
problem with the energetics of jet-driven turbulence might not
apply with these other forms of feedback. But while each
form of feedback may produce large-scale turbulence, they
all act initially on small scales, so that we might expect to see
many GMCs with excess turbulence on small scales; such fea-
tures are not common in any data set we are aware of. Thus,
it appears unlikely that stellar feedback is directly responsi-
ble for the high GMC dissipation rates we find in the inner
Galaxy.
However, the normalization of the line width, σ0 =
σv/R1/2, increases by a factor of two from the outer Galaxy
to the inner Galaxy (Figure 13). The variation in the GMC
turbulent dissipation rate is far more dramatic; it is a factor of
100 larger in the inner Galaxy, where star formation is active
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(Figure 19). This implies that the turbulent energy injection
rate is also 100 times higher than the injection rate per cloud
in the outer Galaxy.
This increase can be explained by contraction of inner-
Galaxy GMCs (e.g., Ballesteros-Paredes et al. 2011; Iba´n˜ez-
Mejı´a et al. 2016); this is the solution we advocate here. How-
ever, contraction of the GMC cannot be the entire solution,
since continued contraction would lead to very dense massive
GMCs, which do not exist. Something must halt, or rather
completely reverse, the contraction.
We suggest that some combination of the four feedback
processes described above reverses the contraction of GMCs
in the inner Galaxy. This reversal must occur over about a
GMC dynamical time, since we do not see many GMCs that
are clearly in the act of dispersing. This input of turbulent en-
ergy on the GMC size scale would necessarily have to equal,
or more likely exceed, the amount of turbulent energy dissi-
pated during the earlier collapse.
In this scenario, the contraction of GMCs is the proximate
or direct driver of the large turbulent dissipation rates we see,
but the ultimate source of the turbulent energy is the burn-
ing of nuclear fuel in massive stars. Some fraction of the nu-
clear energy released unbinds the GMC hosting the massive
stars, restoring the gravitation potential energy lost in the con-
traction, and more. This potential energy is then available to
power the turbulence in the next generation of GMCs.
If the increase of turbulent energy injection were due to stel-
lar feedback, we could expect to see an associated increase of
the velocity dispersion of the gas, as indeed we do. We note,
however, that it is likely that only a fraction of the energy
released by stellar feedback goes into random motions. For
example, shocks created by supernovae would inject energy
more efficiently into compressive than solenoidal modes; the
interstellar gas gets more compressed than agitated. Indeed,
like the turbulent energy dissipation rate, the internal GMC
pressure in the inner Galaxy is about 2 orders of magnitude
larger than in the outer Galaxy.
6. CONCLUSION
In this study we have presented a new catalog of molecu-
lar clouds obtained from the segmentation of the 12CO data
of Dame et al. (2001). The cloud identification presented
here is based on a hierarchical cluster identification applied
to the result of a Gaussian decomposition of each 12CO spec-
trum. This new method allowed us to go significantly deeper
in brightness. The catalog contains 8107 clouds that include
98% of the CO emission, compared to 20-25% for previous
studies. This allowed us to present physical properties of
Galactic molecular clouds over the whole Milky Way disk.
The main conclusions of the paper are the following.
1. The total H2 mass in the catalog is 1.2 × 109 M, in
accordance with previous estimates (Heyer & Dame
2015).
2. The variation of the H2 surface mass density with Rgal
is compatible with previous work (but incompatible
with Wouterloot et al. (1990) and therefore with the
scale length of 3.5 kpc deduced by Williams & McKee
(1997). The H2 scale length we obtain is 2.0 kpc.
3. Because the identification method is able to include
emission down to the sensitivity limit, a population of
low-Σ clouds in the outer Galaxy is revealed. We also
report a significant cloud-to-cloud variation of Σ (from
2 to 300 M pc−2), in contrast with the general idea that
molecular clouds have a constant mass surface density.
4. The median values of the mass and radius are M = 3.8×
104 M and R = 25 pc. These values are small because
of the predominance of small clouds in the catalog, but
they are actually typical of nearby molecular clouds like
Perseus (Lee et al. 2015) or Taurus (Pineda et al. 2010).
Another way to look at typical values is to estimate the
cloud mass for which half of the mass in the catalog is
in more more (or less) massive clouds: half of the mass
of the catalog is in clouds more (or less) massive than
M = 8.4×105 M. Clouds with this mass have a typical
size of R = 60 pc.
The inner Galaxy hosts the most massive clouds of the
sample: both the average values of M and Σ decrease
with Rgal. On the other hand, we note that the median
cloud size does not vary significantly from the inner to
the outer Galaxy.
5. The typical volume density is nH2 ∼ 10 cm−3, well be-
low the CO critical density. This suggests that molec-
ular clouds are in fact multiphase objects where dense
structures occupy a small fraction of the volume.
6. We did not find a tight correlation between line
width and size (Pearson correlation coefficient of
0.55). The tightest correlation is found to be σv =
0.23 (ΣR)0.43±0.14, in agreement with Heyer et al.
(2009). This is indicative that gravitational energy is
playing a role in driving the turbulent motions of molec-
ular clouds.
7. On average, molecular clouds are on the verge of being
in virial equilibrium, with αvir ∼ 3 − 4. There is a very
large cloud-to-cloud variation of αvir. Only 15% of the
clouds are gravitationnaly bound (αvir ≤ 3), but they
represent 40% of the molecular mass.
We do not observe a strong variation of αvir with Rgal.
There is a slight decrease of αvir in the molecular ring
and an increase toward the Galactic center.
8. The velocity dispersion normalized at 1 pc (σ0 =
σv/(R/1 pc)1/2) varies by only a factor of two (from 0.8
to 0.4 km s−1) over 0 < Rgal < 20 kpc. Over the same
range in Rgal, the turbulent energy dissipation (injec-
tion) and the internal pressure vary by almost 2 orders
of magnitudes. Both Pint and E˙dis increase strongly for
Rgal < 6 − 8 kpc. This increase is also seen in the av-
erage cloud surface density (Σ) and in the fraction of
molecular gas ( fH2).
From the results obtained over the whole Milky Way disk
it is possible to draw some conclusions about the nature of
molecular clouds. The small number of clouds in virial equi-
librium is in favor of the scenario in which molecular clouds
are dynamical and short-lived structures. In this scenario the
formation of molecular clouds is related to the compression
of the diffuse WNM/WIM gas, by supernova shocks, by tran-
sonic converging streams of gas, or by gravitational instabil-
ity, which triggers the formation of cold, dense, and frag-
mented gas via the thermal instability (Field 1965; Heitsch
et al. 2006; Saury et al. 2014).
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In the outer Galaxy, the properties of the large number of
small molecular clouds can be explained by the accretion of
matter in large-scale converging flows (Klessen & Hennebelle
2010). In the inner Galaxy, the turbulent energy injection rate
and the internal pressure increase by a factor of almost 100,
but with a much smaller increase in the velocity dispersion of
the gas. This indicates that most of the kinetic energy goes
into compressive modes as opposed to random (solenoidal)
motions. Gravitational collapse is a natural source of com-
pressive modes. We cannot rule out a contribution from stel-
lar feedback, as shocks from winds, radiation pressure, and
supernovae will also inject more compressive than solenoidal
modes into the ISM.
Nevertheless, we conclude that it is more likely that gas
accretion and hierarchical gravitational collapse are driving
the observed nonthermal line widths of molecular clouds. We
base this conclusion on the fact that most of the massive
clouds we observe have little or no sign of massive young
stars, and that those clouds that do contain substantial num-
bers of O stars do not show larger turbulent velocities or dis-
sipation rates than clouds lacking O stars.
Because of the nature of the formation process (the com-
bination of turbulence and thermal instability produces very
fragmented small-scale structures), the free-fall time of small-
scale structures is much shorter than the free-fall time of the
global molecular cloud. In this scenario, stars form along with
the cloud. Stellar feedback is then responsible for cloud dis-
ruption and the low star formation efficiency and for restoring
the energy dissipated in the collapse of the previous genera-
tion of molecular clouds, at least in the inner Galaxy.
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APPENDIX
GAUSSIAN FITTING
The cloud idenfication presented in this study relies on a
Gaussian decomposition of the 12CO data. Given the com-
plexity of the velocity field of molecular clouds and the fact
that turbulent motions are likely to be suprathermal, the justi-
fication of decomposing 12CO spectra into a sum of Gaussian
components is not obvious. We insist on the fact that this de-
composition does not mean that there is a direct link between
a Gaussian component and a cloud on the line of sight. Clouds
can be composed of more than one Gaussian component on a
given line of sight producing spectra with an arbitrary shape.
Moreover, the fact that we do not associate a single Gaussian
with a cloud lifts the problem of the unicity of solution.
The CO spectra can be very complex (see examples in Fig-
ure 21) and it is clear that several solutions can provide similar
goodness of fit. The unicity of the solution is not critical here
because individual Gaussians are not analyzed. Clouds are
identified as islands in the integrated emission of the Gaus-
sian components (WCO; see Equation 2). What is important
is that the fit is a good representation of the data, that varia-
tions of the shape of the spectrum are well described by the
sum of Gaussians. As mentioned in Section 2, the goal of
the Gaussian decomposition is to project the data on a space
with fewer parameters, where noise has less impact and where
there is less confusion on the velocity axis.
In order to facilitate the identification of clouds in PPV
space, we use a method that promotes spatial coherence of
the recovered parameters. The Gaussian fit is done using the
following procedure. There is a global iteration where all the
spectra of the data cube are decomposed into a sum of Gaus-
sian. This is performed several times until the χ2red of all pixels
is below a given value close to 1.0. The reduced χ2red is defined
as
χ2red =
∑
v
[
TB(v) − T ′B(v)
]2
σ2noiseNfree
(A1)
where σnoise is the noise level of the spectrum and Nfree is the
number of degrees of freedom, defined as
Nfree = Nsample − 3Ncomp (A2)
where Nsample is the number of samples in the spectrum and
Ncomp the number of Gaussian components. The noise level is
not uniform across the whole data set (Figure 22) due to the
combination of different observation campaigns.
At each iteration, the fit of a given spectrum is done using
an initial guess built with the results of neighboring pixels ob-
tained in the previous iteration. This is done in order to pro-
mote spatial coherence of the parameters in the perspective
of identifying connected structures in PPV space. In prac-
tice, for the first iteration, the Gaussian component fit of each
spectrum is done without an initial guess. Then, for each sub-
sequent iteration, the initial guess used to fit a single spec-
trum is computed by looking at solutions in the neighboring
positions, obtained in the previous iteration. We look for so-
lutions in a 9×9 position grid centered on the spectrum. Only
positions that have a reduced χ2red below some threshold are
used. Components with σi larger than 10 channels are also
discarded. This is needed to avoid solutions with wide Gaus-
sians on spectra where narrow components seen in neighbor-
hood pixels blend together. For this subset of components,
frequent Gaussian components are identified by looking for
groups in the vi − σi space. Only groups with at least four
components are kept. For each group of Gaussian compo-
nents, we estimate the average values of [Ai, vi, σi] as well as
their standard deviation. These parameters are used as the ini-
tial guess and their standard deviations to limit the space each
parameter can vary on (each component can always have an
amplitude of zero), something made possible with the IDL
mpfit code (Markwardt 2009). If the result of the fit has a
χ2red that is not good enough, an extra component with loose
constraints is added. Extra components are added until χ2red is
better than a threshold value or if the number of components
is equal to 12.
The advantage of this procedure is that it looks for a solu-
tion with the minimum number of narrow Gaussian compo-
nents. In addition, the fact that we look for spatially coherent
solutions increases the probability that the shape variations
described by the Gaussian basis are real and not due to noise.
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Figure 21. Example of the Gaussian decomposition for two different positions on the sky. The top and bottom panels show 12CO spectra (black) and their
Gaussian decomposition (blue) for nine neighboring positions, spaced by 7.5’ in l and b. Top: spectra centered on l = 105◦, b = 0◦. This position is typical of
the spectra found in the outer Galaxy. Bottom: spectra centered on l = 14◦, b = 0◦. This position shows some of the most complex CO spectra of the data set.
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Figure 22. Histogram of the noise value for the whole data set. The noise
of a given spectrum was estimated as the width of the Gaussian fit of the
histogram of TB(v) − T ′B(v).
PARAMETERIZATION OF THE CLUSTER
IDENTIFICATION METHOD
Due to the way we resolve the near/far distance ambigu-
ity (using the σv − (ΣR) relation), the position of clouds in
the inner Galaxy depends significantly on their angular size.
Therefore, the cluster identification method, which sets the
angular size of clouds, does have an impact on how clouds
are distributed in the Galactic plane, as well as on the total
mass and radial distribution of H2 surface density.
The hierarchical method used here is based on a threshold
descent that attaches together nearby Gaussian components.
At each step of the descent there is also a merging procedure
that attaches small clusters to bigger ones when they are ob-
viously located within them in (l, b, v) space. We imposed
a limit on this process to avoid a runaway association that
would lead to the creation of a few unrealistically large clus-
ters. Once a cluster reaches a size of 50 Gaussian components,
we assumed that it is a single structure and that it cannot be
merged with another big one (with more than 50 Gaussian
components). This parameterization of the method is justified
by the fact that, when it is introduced, the catalog reproduces
important observational quantities deduced from many previ-
ous studies that do not suffer from the near/far distance am-
biguity. In particular, with this parameterization the catalog
reproduces better the total molecular mass in the Milky Way
and the radial profile of the surface density.
Figure 23 shows the histogram of the number of Gaussian
components per cloud, with bins equally spaced in log. The
distribution ranges from five Gaussian components (the min-
imum limit to be a cluster) up to more than 300. The param-
eterization of the merging procedure did not limit the growth
of clusters beyond 50 Gaussian components. In fact, there is
no specific feature at that value; the distribution is almost flat
up to about 80 Gaussian components, where it starts to fall
off.
DISTANCE BIAS
Even though the catalog contains almost all the observed
CO emission of Dame et al. (2001), the finite angular resolu-
tion, finite velocity resolution, and finite sensitivity of the data
translate into specific limitations in the parameters of clouds,
especially as a function of distance. For instance, the mini-
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Figure 23. Histogram of the number of Gaussian components grouped to-
gether to form a cloud.
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Figure 24. Density plot of R vs. D (top) and M vs. D (bottom). The color
scale is proportional to the number of clouds. In both plots the black line
indicates the minimum radius or mass the catalog is sensitive to at a given
distance.
mum radius that can be estimated at a given distance is
Rmin = D tan

√
dΩNmin
pi
 (C1)
where Nmin is the minimum number of pixels in a cloud. In
our case Nmin = 5.
Similarly, the minimum mass is
Mmin = D2 Σmin Nmin dΩ (C2)
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Figure 25. Density plot of αvir vs. D. The color scale is proportional to
the number of clouds. The three lines indicate αvir,min as a function of D for
different values of σv,min.
where Σmin corresponds to the minimum surface density that
can be detected. This value (3.5 M pc−2) is linked to the min-
imum threshold of the cluster identification method: WminCO =
0.8 K km s−1.
The distribution of R and M of the clouds as a function of
their distance is shown in Figure 24. The proportionality with
D and D2 for R and M, respectively, is clearly visible. In these
two plots, the solid lines represent the minimum values given
in Equations C1 and C2.
The finite velocity resolution has a lesser impact on the
cloud parameters. The observed line width is indeed limited
by the velocity resolution of the observations (1.3 km s−1), but
the true σv of an emission line can be recovered by subtract-
ing quadratically the instrumental broadening to the observed
width. With high signal-to-noise ratio, one can estimate val-
ues of σv that are much smaller than the velocity resolution.
In other words, the line width of an emission line of arbi-
trary shape can be deconvolved from the effect of instrumental
broadening.
Nevertheless, the line width cannot be estimated with infi-
nite precision, and, as mentioned by Heyer et al. (2001), this
sets a minimum value for the virial parameter:
αvir,min =
5σv,minRmin
GMmin
, (C3)
where Rmin and Mmin are given by Equations C1 and C2
and σv,min is the minimum line width that can be measured.
Through Rmin and Mmin, αvir,min also depends on distance.
This is illustrated in Figure 25, which shows the 2D his-
tograms of αvir as a function of distance. In this plot, the
three lines show αvir,min as a function of D for σv,min = 0.1,
0.2, and 0.3 km s−1. There are almost no clouds below the line
defined for σv,min = 0.2 km s−1, indicating that it is probably
the effective velocity resolution of the catalog. This plot also
indicates that the sensitivity and resolution (spatial and veloc-
ity) of the Dame et al. (2001) data preclude the identification
of gravitationally bound clouds that are nearby (D < 500 pc).
THE VIRIAL PARAMETER
Bertoldi & McKee (1992) introduced the dimensionless
virial parameter for a clump or cloud of gas
αvir ≡ 5σ
2
vRm
GM
= a
2T
|W | . (D1)
The quantity Rm is the average projected cloud size, M is the
cloud mass, and σ2v is the line-of-sight (or 1D) velocity dis-
persion. The kinetic energy in the cloud is
T ≡ 3
2
∫
Vcl
ρσ2vdV, (D2)
while the gravitational energy associated with the clump is
W ≡ 1
2
∫
Vcl
ρ(x)Φ(x)d3x. (D3)
For a triaxial ellipsoidal cloud, they show that
W = −3
5
a1a2
GM2
Rm
. (D4)
The constant a1 accounts for the effects of nonuniform den-
sity, while a2 accounts for the clouds’ ellipticity. With the
assumption that ρ(u) ∼ u−kρ , they show that
a1 =
(1 − kρ/3)
(1 − 2kρ/t) , (D5)
while
a2 =
Rm
R
arcsinh(y2 − 1)1/2
(y2 − 1)1/2 , (D6)
with y being the axis ratio in the case that the cloud is an
ellipsoid of revolution.
The line widths in our larger clouds are dominated by non-
thermal motions; Larson (1981) showed that in individual
clouds, σv(r) ∼ rp; a quick survey in our clouds suggests a
similar scaling. Estimates for the power-law index are in the
range 1/3 < p < 1/2, as we noted above. The scaling of line
width with size implies that the kinetic energy in the cloud
will be modified from the usually assumed case p = 0. We
find
T = 5a3σ
2
v(R)R
GM
, (D7)
with
a3 =
(3 − kρ)
(3 − kρ + 2p) . (D8)
For the fiducial value kρ = 1, Bertoldi & McKee (1992) find
a1 = 10/9 and a2 ≈ 1. For the same value of kρ and p = 1/2,
we find a3 = 2/3.
From the definition (D1),
αvir =
5σ2vRm
GM
=
a1a2
a3
2T
|W | ≈
5
3
2T
|W | . (D9)
It follows that the average value of the observed virial parame-
ter is a factor of 5/3 larger than the ratio 2T /|W |. When the ki-
netic and gravitational energies are equal, αvir = 10/3 ≈ 3.3.
LARGE-SCALE STRUCTURE OF THE PHYSICAL
PARAMETERS
This appendix presents face-on views of the following pa-
rameters: M (Figure 26), nH2 (Figure 27), z (Figure 28), Pint
(Figure 29), σ0 (Figure 30), αvir (Figure 31), and E˙dis (Fig-
ure 32).
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Figure 26. Face-on view of the H2 mass. The symbol size is proportional to log(R), while the color indicates log(M).
Figure 27. Face-on view of the H2 density. The symbol size is proportional to log(R), while the color indicates log(nH2).
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Figure 28. Face-on view of the z position. The symbol size is proportional to log(R), while the color indicates z.
Figure 29. Face-on view of the pressure. The symbol size is proportional to log(R), while the color indicates Pint.
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Figure 30. Face-on view of the velocity dispersion normalized to 1 pc: σ0 = σv/R1/2. The symbol size is proportional to log(R) while the color indicates σ0.
Figure 31. Face-on view of the virial parameter. The symbol size is proportional to log(R), while the color indicates log(αvir).
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Figure 32. Face-on view of the turbulent energy dissipation rate. The symbol size is proportional to log(R), while the color indicates log(E˙dis).
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